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ABSTRACT
For this project, the diffuse supernova neutrino background (DSNB) has been calcu-
lated based on the recent direct supernova rate measurements and neutrino spectrum
from SN1987A. The estimated diffuse n¯e flux is ⇠ 0.10 – 0.59 cm 2s 1 at 99% confi-
dence level, which is 5 times lower than the Super-Kamiokande 2012 upper limit of 3.0
cm 2s 1, above energy threshold of 17.3 MeV. With a Megaton scale water detector,
40 events could be detected above the threshold per year.
In addition, the detectability of neutrino bursts from direct black hole forming col-
lapses (failed supernovae) at Megaton detectors is calculated. These neutrino bursts are
energetic and with short time duration,⇠ 1s. They could be identified by the time coin-
cidence of N   2 or N   3 events within 1s time window from nearby (4 – 5Mpc) failed
supernovae. The detection rate of these neutrino bursts could get up to one per decade.
This is a realistic way to detect a failed supernova and gives a promising method for
studying the physics of direct black hole formation mechanism.
Finally, the absorption of ultra high energy (UHE) neutrinos by the cosmic neutrino
background, with full inclusion of the effect of the thermal distribution of the back-
ground on the resonant annihilation channel, is discussed. Results are applied to serval
models of UHE neutrino sources. Suppression effects are strong for sources that extend
beyond z⇠ 10. This provides a fascinating probe of the physics of the relic neutrino
background in the unexplored redshift interval z ⇠ 10 – 100.
Ultimately this research will examine the detectability of DSNB, neutrino bursts from
failed supernovae and absorption effects in the neutrino spectrum.
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Chapter 1
Introduction
1.1 Neutrino physics and astrophysics
During the early decades of the last century, experiments on radioactive nuclei demon-
strated that in beta decay positrons only take off about half of the energy expected to
be released in the nuclear decay. In 1930, W. Pauli proposed that a new type of par-
ticle, one which was electrically neutral and at least as light as an electron, would be
the solution to the energy crisis. He made his hypothesis, two years before Chadwick
discovered the neutron. This particle was originally called the neutral one.
In 1934, Enrico Fermi proposed his famous model for beta decay processes,
incorporating the neutrino, which in Italian means the “the little neutral one”. This fa-
mous theory motivated the study of weak interaction. After more than 20 years, in 1956,
Fred Reines and Clyde Cowan [1] announced that the first neutrino was detected in a
liquid scintillator detector with the Savannah River nuclear reactor. The neutrino was
later known as the partner of the electron. In 1958, Maurice Goldhaber, Lee Grodzins,
and Andrew Sunyar at Brookhaven National Laboratory demonstrated neutrinos to pos-
sess left-handed helicity [2]. Helicity is one of the most important properties of neu-
trinos. It interprets the relation between the orientation of the neutrino’s spin and the
direction of its linear momentum. For neutrinos, left-handed helicity means that the
spin vector points opposite to the direction of the linear momentum vector.
In 1962, the second type of neutrino, the muon neutrino, was discovered by Jack
Steinberger, Leon Lederman and Melvin Schwartz at Alternating Gradient Synchrotron
(AGS) [3]. In 1968, the deep underground experiment in the Homestake mine in South
Dakota observed the first electron neutrinos from the sun. This led to the solar neutrino
problem, which is that detected neutrinos are about one third of the expected amount in
the solar models.
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In 1976, the third type of lepton, the tau, was discovered in the SLAC, Stan-
ford Linear Accelerator Center [4]. It was confirmed that there exists a third specie of
neutrino, nt , accompanying the tau. In 1987, large underground water detectors, the
Kamiokande in the Kamioka mine in Japan and IMB in the Morton salt mine in the US,
detected a burst of neutrinos from Supernova 1987A.
In 1989, experiments at Large Electron-Positron (LEP) accelerator at CERN
in Switzerland and the SLC at SLAC determined that there are only three species of
active light neutrinos, ne, nµ and nt . In 1991-1992, Soviet-American Gallium Exper-
iment (SAGE) in Russia and Gallium Experiment (GALLEX) in Italy confirmed solar
neutrino deficit in radiochemical experiments. In 1998, after analyzing more than 500
days of data, the Super-Kamiokande collaboration announced that neutrinos oscillate
and have non-zero mass at the Neutrino ’98 conference in Japan.
In July 2000, the Direct Observation of the NU Tau (DONUT) at Fermilab di-
rectly observed a tau neutrino for the first time. In 2001, the Sudbury Neutrino Obser-
vatory (SNO) in Canada, detected all three types of neutrinos produced by the sun, and
provided strong evidence that neutrino oscillations are the cause of the solar neutrino
problem [5].
In recent years, the oscillation parameter q13 has been obtained using the data
from the reactor experiments Daya Bay in China [6], Reno in Korea [7], Double Chooz
in France [8] and the accelerator experiment T2K in Japan [9]. In 2013, IceCube [10]
reported the observation of two PeV scale neutrino events, which are the highest ener-
gies so far.
In the next decade, we hope to detect extragalactic neutrinos with ultra high
energy in such experiments as IceCube, FORTE et cetera. There still remain many
questions waiting to be explored, like the absolute scale of neutrino mass, the mass
2
hierarchy, and the Dirac/Majorana nature of the mass. There also exists debate about
the sizes or roles in nature of three CP-violating phases, whether neutrinos have nonzero
electromagnetic moments, if there are additional neutrino species, and if the universe
has a lepton asymmetry.
1.2 Physics of neutrinos
It is well known that the neutrino is one of the fundamental particles that make up the
universe, with spin half. Neutrinos are the only fermions carrying no electric charge;
therefore they are not affected by electromagnetic force. They are only affected by
gravity and by the weak subatomic force involving the exchange of W and Z bosons.
It is a widely-accepted experimental fact that the neutrinos are of three varieties
or flavors. Each type is accompanied by its antineutrino which has a different helicity
(right-handed). Each neutrino flavor is associated with a charged lepton: electron ne
and n¯e, muon nµ and n¯µ , and tauon nt and n¯t .
Neutrino oscillation experiments have provided compelling evidence that neu-
trinos change flavor during their propagation. The probability of a neutrino changing
flavor depends on the neutrino energy and distance traveled. This will be elaborated in
detail later. This phenomenon can only be explained by the unequal masses of neutri-
nos. Their masses can’t all be zero. In other words, neutrinos have distinct masses and
mixing. In our study, a three-flavor paradigm is being considered.
1.2.1 Neutrino masses
In the last decades, various experiments have tried to determine the absolute neutrino
mass scale. This scale is very important for describing the role of neutrinos in the evo-
lution of the universe. There are three different approaches – cosmological probes (cos-
mic microwave background and large-scale structure constraints), neutrinoless double
b -decay, and direct neutrino mass determination (b decay) [11]. Up until now, the up-
3
per limits on the sum of the neutrino masses were Âmn < 0.23eV at 95% confidence
level by the most recent Planck data [12].
The neutrino oscillations indicate that neutrinos have a non-vanishing mass,
with the assumption of three neutrinos and no exotic neutrino interaction. This means
that the mass eigenstates ni (i=1,2,3) are not equal and are not identical to the flavor
eigenstates na (a = e,µ,t ). Oscillation probabilities depend on the mixing matrix
connecting the two bases and on the mass squared differences Dm2i j = m2i  m2j . With
the recent analysis of neutrino data, the best fit Dm221 = 7.5⇥ 10 5eV 2 and |Dm231|
= 2.35⇥ 10 3eV 2 have been measured. There are two possibilities for ordering of
neutrino mass eigenstates:
(1). Normal hierarchy, where m1 < m2 < m3. In this case, at least two of the three
masses are not zero, m3 '
q
Dm223 >⇠ 4.8⇥ 10 2 eV and m2 >⇠ 8.6⇥ 10 3 eV. The
lightest neutrino mass is not constrained.
(2). Inverted hierarchy, where m3 < m2 ' m1. Here we get m1 ' m2 '
q
Dm223 >⇠
4.8⇥10 2 eV.
Fig. 1.1 illustrates how the three neutrino masses change with the lightest mass
in the two hierarchy cases (i.e. normal hierarchy m22 = Dm221+m21,m23 = Dm231+m21).
We could distinguish between a hierarchical mass spectrum, where at least two of the
masses differ by one or more orders of magnitude, and a degenerate spectrum with
masses of comparable values. As the figure shows, the degenerate case requires the
smallest mass (mmin = m1 or m3 depending on the hierarchy) to exceed a few times
10 2 eV.
1.2.2 Neutrino mixing in vacuum
A neutrino is created by the weak interaction with flavor a (a = e, µ , t). Analogous to
quark mixing, neutrino mass eigenstates ni are connected to flavor eigenstates na by a
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Figure 1.1: The three neutrino masses as a function of the minimum mass mmin. The
upper (bottom) panel is for the normal (inverted) hierarchy, where mmin = m1 (mmin =
m3).
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unitary matrix U called the Pontecorvo-Maki-Nakagawa-Sakata matrix (PMNS matrix)
[13, 14, 15]: 0BBBBBBBB@
ne
nµ
nt
1CCCCCCCCA
=
0BBBBBBBB@
Ue1 Ue2 Ue3
Uµ1 Uµ2 Uµ3
Ut1 Ut2 Ut3
1CCCCCCCCA
·
0BBBBBBBB@
n1
n2
n3
1CCCCCCCCA
(1.1)
with
U =
0BBBBBBBB@
c12c13 s12c13 s13e id
 s12c23  c12s23s13eid c12c23  s12s23s13eid s23c13
s12s23  c12s23s13eid  c12s23  s12c23s13eid c23c13
1CCCCCCCCA
(1.2)
where si j = sinqi j, ci j = cosqi j (i, j= 1,2,3), and the three qi j are the mixing angles. We
have sin2q12 ' 0.31, sin2q23 ' 0.42, and sin2q13 ' 0.025 [12], and d is CP-violating
phases. For Majorana neutrinos, there are two additional Majorana phase. The neutrino
mass splittings and mixing for the two hierarchies are shown in Fig. 1.2.
Given that q13 is small, and q23 is very close to p/4, n3 is nearly a 50-50%
mixture of nµ and nt with a small ne component, while n1 and n2 have large admixtures
of all the three flavors (Fig. 1.2).
According to Eq. 1.1, the neutrino flavor states are the superpositions of the
neutrino mass states,
|nai=
3
Â
i=1
Uai|nii (1.3)
The neutrino mass eigenstates |nii in vacuum evolve in time according to
|ni(t)i= |ni(0)ie iEit = |ni(0)ie i(pi+
m2i
2pi
)t
, (1.4)
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Figure 1.2: A graphical illustration of the mixing between mass and flavor eigenstates.
The boxes represent the mass eigenstates, i= 1,2,3, the shaded regions represent their
flavor admixtures |Uai|2 for a = e,µ,t , |Dm2atm| = |Dm231|⇡ |Dm232| = 2.4⇥10 3 eV2
and Dm2sol = Dm221 = 7.5⇥10 5 eV2.
where the neutrinos are considered relativistic mi⌧ Ei. The time evolved neu-
trino flavor eigenstate has the form:
|na(t)i=Â
i
Uaie iEit |ni(0)i (1.5)
Therefore, the time-dependent oscillation probability for a flavor conversion
na ! nb is then
P(na ! nb , t) = |A(na ! nb , t)|2 = |hnb |na(t)i|2 (1.6)
= Â
i
Â
j
UaiU⇤a jU⇤b iUb je
 i(Ei Ej)t (1.7)
Then the survival probability can be obtained as
P(na ! na) = 1  Â
a 6=b
P(na ! nb ) (1.8)
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In the absence of matter effect, the oscillation probability in vacuum is given by
P(na ! nb ) = dab  4
3
Â
i> j=1
Re(UaiU⇤b iU
⇤
a jUb j)sin
2 Dm2i jL
4E
 
+ 4
3
Â
i> j=1
Im(UaiU⇤b iU
⇤
a jUb j)sin
 Dm2i jL
4E
 
cos
 Dm2i jL
4E
 
(1.9)
The general probability formulae are quite complex and really depend on the
sign of the mass differences. In a three-neutrino hierarchical spectrum, consider that
one mass splitting is dominant, say |Dm221|⌧ |Dm231| ' |Dm232|. Neglecting the effects
due to Dm221, where
Dm221
2E L⌧ 1, the transition probability of na ! nb over the long
baselines L can be simplified as
P(na ! nb ) = 4|Ua3|2|Ub3|2sin2
 Dm231
4E
L
 
(1.10)
This case is relevant for atmospheric, reactor and accelerator neutrino experi-
ments, with Dm231⇡Dm232=Dm2atm, and qatm' q23. In the other case, Dm
2
31
2E L'
Dm232
2E L 
1, the oscillations due to Dm231 and Dm232 are averaged out. Then the ne survival proba-
bility is
P(ne! ne)' c413
h
1  1
2
sin22q12sin2
 Dm221
4E
L
 i
+ s413 (1.11)
This case is relevant for reactor neutrino experiments [17].
There are two ways to study neutrino oscillations, appearance or disappearance
mode. The probability of a neutrino produced as a given flavor a with energy E, prop-
agating a sufficient distance L from the source and then detected as the same flavor, is
called survival probability. If in an experiment, only nµ flux is produced at the source
and oscillations occur on the way to the distant detector site, one would observe the
disappearance of nµ as a result. Disappearance behavior has been established by so-
lar ne, atmospheric nµ and n¯µ and reactor n¯e in the solar neutrino, Super-Kamokande
and KamLAND experiments. Appearance of ne in a nµ beam has also been observed
8
10-6 0.1 104 109 1014 1019
10-30
10-21
10-12
0.001
106
1015
Neutrino Energy eV
Fl
ux
cm
-
2 s
-
1 s
r-
1 M
eV
-
1 Relic&& Solar&&
Supernova&bursts&1987A&
Terrestrial&&
Reactor&&
Relic&supernova&&&&
Atmospheric&
AGN&
GZK&
Figure 1.3: Neutrino spectra from the possible neutrino sources.
in T2K and MINOS experiments [16]. After comparing the ratio of the number of
observed neutrino events to the expected neutrino of each flavor, according to the tran-
sition probability or survival probability formula, one can obtain the mass square dif-
ference and mixing angles.
1.3 Neutrino sources
As seen in Fig. 1.3, possible sources of neutrinos include the early universe, the sun,
supernovae, natural radioactivity, man-made reactor and accelerator, supernovae rem-
nants, the atmosphere, astrophysical accelerators of cosmic rays. Excepting neutrinos
from cosmological backgrounds and baryonic accelerator, all other types have already
been detected with the energy band from keV to a few TeV. I will briefly introduce all
these neutrino sources below.
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1.3.1 Cosmological neutrino background
In the early universe, very soon after the big bang, neutrinos were kept in thermal equi-
librium via weak interactions with protons, electrons and neutrons. As the universe
expanded and cooled down, the interaction rates decreased rapidly. When the tempera-
ture of universe dropped down to⇠MeV, and the mean interaction time for nn¯! e+e 
became longer than the age of the universe, neutrinos decoupled from thermal plasma
and streamed away freely.
After neutrino decoupling, only electrons, positrons and photons were left in
thermal equilibrium. Photons are heated up by the annihilation of positrons and elec-
trons (e+e  ! 2g). Applying the conservation of entropy, S µ giT 3i = g f T 3f , the ra-
tio of Ti/Tf can be calculated. Here gi, f is the effective number of particles. For
the initial condition, gi = ge± + gs, with gs = 2 accounting for photons with 2 spin
states, and ge± = 2⇥ 2⇥ 7/8 is for the electrons and positrons. The first 2 origi-
nates from particle and antiparticle; the second 2 is due to the possible numbers of
orientation of the particle spin and the third part 7/8 is because electron/positron is
Fermion. Since neutrinos don’t take part in the interactions, they keep the temperature
as Ti. Therefore the relation between the present neutrino and photon temperature is
Tn = ( 411)
1/3Tg ' 1.697⇥10 4eV.
These relic neutrinos fill in the whole universe, and are also called cosmic neu-
trino background (CnB). They only weakly interact with matter and their temperature
today is extremely small,⇠ 1.945K. Therefore, it’s extremely difficult to directly detect
them.
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Assuming a Friedmann Robertson Walker (FRW), LCDM universe, with the
Hubble parameter, the universe expansion rate is,
H(z) =
a˙
a
= H0
q
Wm(1+ z)3+WL, (1.12)
where H0 = 70.4 Mpc/km/s, a = 1/(1+ z) is the scale factor, z is the cosmological
redshift, and Wm = 0.272 and WL = 0.728 are the fractions of the energy density of
matter and dark energy respectively [18]. Natural units are used, with c= h¯= 1, setting
Boltzmann’s constant k = 1. Differentiating the scale factor, we obtain the relation
between the cosmological time, t, and the redshift, z,
dt =
dz
(1+ z)H(z)
, (1.13)
and the comoving distance is
dr =
dz
H(z)
, (1.14)
so that the comoving volume is given by
dVc = r2drdW , (1.15)
where r = r(z) is the integral of Eq. (1.14) from present epoch to redshift z. Thus, the
physical volume is simply dV (z) = dVc/(1+ z)3.
Standard cosmology predicts the relic abundance of neutrinos with a thermal
spectrum, similar to the cosmic microwave background (CMB) photons. Thermal equi-
librium is provided by weak interactions, hence the relic neutrinos are produced in fla-
vor eigenstates. The number density of the CnB for a single neutrino specie, is given
by the Fermi-Dirac distribution with zero chemical potentials at temperature T as
dn(p,T ) =
d3p
(2p)3
1
ep/T +1
, (1.16)
where p is the relic neutrino momentum. Therefore, the number density of
each neutrino specie is nn =56 cm 3 at present time. And the number density of relic
neutrinos at redshift z will be expressed as nn(1+ z)3
11
1.3.2 solar neutrino
The sun like other stars, creates its energy via nuclear fusion, whose basic fuel is hy-
drogen. The solar neutrinos are generated by two principal mechanisms: CNO cycle
and Proton-Proton (pp) chain. The pp chain produces most of the neutrino fluxes via
the reactions
p+ p ! d+ e++ne (1.17)
p+ e+ p ! d+ne (1.18)
e+7Be ! 7Li+ne (1.19)
8B ! 8Be⇤+ e++ne (1.20)
3He+ p ! 4He+ e++ne (1.21)
The corresponding produced neutrinos are so called pp, pep, 7Be, 8B and hep
neutrinos [19]. Their energy can extend up to 19MeV. In the CNO cycle electron cap-
ture processes occur in the reactions [20]:
13N+ e  ! 13C+ne, (1.22)
15O+ e  ! 15N+ne, (1.23)
17F+ e  ! 17O+ne (1.24)
The contribution to the neutrino flux from the CNO cycle is small. In a water
Cherenkov detector, solar neutrinos leave a directional signature, therefore they can be
distinguished from other neutrino fluxes.
1.3.3 Supernova 1987A
On February 24th, 1987, a bright supernova of type IIP was observed. It occurred
in the Large Magellanic Cloud, approximately 51.4 kpc from the earth. The neutrino
signal arrived on earth two to three hours earlier than visible light. It was the first
12
time scientists observed neutrinos from a supernova. This observation provided strong
evidence to support the theoretical models of the mechanism behind the explosion.
SN1987Awas observed by the underground neutrino detectors, Irvine-Michigan-
Brookhaven (IBM) in US, Kamiokande II in Japan, and Baksan Scintillator Telescope
in Russia. This event is considered as the beginning of neutrino astronomy. The de-
tected neutrino signal provided the most direct evidence about supernova neutrino emis-
sion, although we still do not know if SN1987A is a typical supernova. In our study,
we use SN1987A data as an input for calculating the diffuse supernova neutrino back-
ground. A detailed discussion of this will follow in Chapter 2.
1.3.4 Terrestrial neutrinos
Terrestrial electron antineutrinos are mostly produced by natural radioactive decays in
the chains of 238U , 232Th and 40K inside the Earth, which are accompanied by radio-
genic heat. There are two experiments - KamLAND in Japan and Borexino in Italy -
measuring the geo-neutrinos right now. Their spectrum gets up to 3.26 MeV [21].
1.3.5 Man-made neutrinos
Man-made neutrinos refer to neutrinos from nuclear reactors and particle accelerators,
with energies up to 14MeV. These n¯es are produced by b  decay of neutron-rich fission
products of 235U , 238U , 239Pu and 241Pu in nuclear reactors [22]. The reactor neutrino
flux arriving at the detector strongly depends on the distance between the reactors, gen-
erally several nuclear plants, and detectors. Fig. 1.4 shows the reactor neutrino flux
at Kamioka in Japan and Homestake in US. The reactor neutrino flux determines the
energy threshold for the detection of diffuse supernova neutrinos.
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Figure 1.4: Taken from Fig. 4 of [23]. Background n¯e fluxes from atmosphere and
reactors and ne fluxes from the sun and atmosphere for the Homestake (dashed, red)
and Kamioka (solid, grey). The ne and n¯e fluxes from the atmosphere are similar, so
one of them is shown in the figure. At 10 MeV, the lower to upper curves (orange, blue
and black) represent the signal n¯e fluxes from black hole forming collapses, neutron
star forming collapses and the total. These fluxes are with Shen et al. equation of state,
the survival probability is 0.68, and the fraction of neutron star forming collapses is
0.78. The detailed discussion will be seen in Chapter 3.
1.3.6 Diffuse supernova neutrino background
Supernova relic neutrinos, or diffuse supernova neutrino background, come from all
the core-collapse supernovae in the sky, and compose an isotropic flux. The study of
the diffuse supernova neutrino background (DSNB) is discussed in Chapter 2 in detail.
It is crucial to distinguish it from the backgrounds like atmospheric, solar, and reactor
neutrinos in the energy range of  35MeV , as seen in Fig. 1.4.
14
1.3.7 Atmospheric neutrinos
Atmospheric neutrinos are produced when primary cosmic rays hit the Earth’s atmo-
sphere, interacting with nuclei. The shower of hadrons produced (mostly pions) takes
up to 98%, and electrons created take 2% of the primary cosmic ray energy. The sec-
ondary hadrons decay into electron and muon neutrinos. The dominant decay chains
are
p+! µ+nµ µ+! e+nen¯µ (1.25)
p  ! µ n¯µ µ+! e n¯enµ (1.26)
Depending on the energy of the primary cosmic rays, kaon decay also contributes to
the neutrino fluxes in the way of
K±! µ±nµ(n¯µ) (1.27)
KL! p±e±ne(n¯e) (1.28)
Atmospheric neutrino studies is one of the most important fields in neutrino
physics. The atmospheric n¯e flux has the same isotropic distribution as the DSNB,
and is the dominant neutrino background, which exceeds the DSNB at energy higher
than 30-40 MeV. The atmospheric neutrino flux depends on the location of the detector.
Here I use the flux calculated by the FLUKA Monte Carlo simulation [24], which can
be seen in Fig. 1.4 for Kamioka.
1.3.8 GZK neutrinos
The extremely high energy cosmic rays, E > 5⇥ 1019 eV, collide with the cosmic
microwave background (CMB) photons via the D resonance to produce pions as
p+ gCMB! D+! n+p+ (1.29)
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The produced pions would proceed to decay to high energy neutrinos which are
called GZK neutrinos after Greisen, Zatseptin and Kuzmin [25, 26]. These neutrinos
would point back to their source, freely cross the universe, and are a guaranteed flux of
extraterrestrial high energy neutrinos.
1.4 Neutrino detectors
Neutrinos have not been directly observed, because they only interact via the weak
interaction. However, the by-products of neutrino interactions with electrons and nuclei
can be observed by the detectors. There are three main kinds of technologies involved
in neutrino detection: water Cherenkov, liquid argon and liquid scintillator.
1.4.1 Cherenkov detectors
Cherenkov neutrino detectors, like Super-Kamiokande in Japan and IceCube at the
South Pole, are designed to observe the Cherenkov photons emitted from the sec-
ondary charged particles produced in neutrino interactions in water or ice. Neutri-
nos observed in the Cherenkov detector interact in two ways: charged-current (CC)
interaction, nl +N ! l+X , (l presents the lepton flavor), the leading lepton would
be detected; neutral-current (NC) interaction, e.g. the elastic scattering of neutrinos
on electrons. Cherenkov radiation is produced when a charged particle traversing a
medium at velocity v exceeds the phase velocity of light in that medium (c/n, n is the
refractive index of that medium, c is the speed of light in vacuum). The angle (called
Cherenkov angle) between the emitted light and the track of the particle is shown in
Fig. 1.5. Therefore it can be calculated as
cosq =
c
nt
bct
=
1
nb
(1.30)
here b = v/c, is the ratio of particle velocity and speed of light, which is inde-
pendent of time. The maximum value of b is 1, so the maximum Cherenkov angle is
cosqmax = 1n .
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Figure 1.5: The geometry of Cherenkov light and charged particle.
The Super-Kamiokande (SK) experiment is a water Cherenkov neutrino detec-
tor in the Kamioka Mine in Gifu, Japan with a fiducial volume of 22.5 kton water and
13000 photomultiplier tubes (PMT). As a supernova neutrino detector, SK mainly de-
tects three types of interactions [27].
(1). Inverse beta decay (IBD)
n¯e+ p! n+ e+ (1.31)
This charged current quasi elastic interaction is the most important detection reaction
with the largest cross section among all the channels. The emitted positron retains most
of the energy of the incoming neutrino, and is detected from its Cherenkov light.
(2). Electron elastic scattering (NC and CC)
nl + e  ! nl + e  (1.32)
For supernova neutrinos, a small percentage of events are from this interaction. Al-
though the cross section of this interaction is small compared to that of IBD, the re-
17
coiled electrons retain the directional information of the incoming neutrinos, unlike the
products of the IBD reaction.
(3). Neutral current scattering of neutrinos on oxygen
nl +16O! nl + g+X (1.33)
This reaction produces a nucleus X, which could be 15O or 15N, accompanying the
emission of gamma rays.
The background analysis and other issues will be discussed in more detail later.
IceCube is a cubic kilometer water Cherenkov detectors, and consists of 5160
digital optical modules (DOM), installed on 86 strings [10]. Each DOM incorporates
a 10” photomultiplier tube. IceCube searches for astrophysical neutrinos with energy
from 100 GeV to 109 GeV. Events are recorded in the DOM and can be distinguished
by two patterns, track-like and spherical modes, as seen in Fig. 1.6. Track-like events
originate from neutrino-induced muons produced in nµ CC interaction. Cascade events
are from electromagnetic (nt decay, ne CC interactions) or hadronic showers (t decay,
ne,µ,t NC and CC interactions) as shown in Fig. 1.6.
1.4.2 Liquid argon time projection chambers
A liquid argon time projection chamber was first proposed in 1977 [29]. In a large high-
purity liquid argon detector, neutrinos interact with argon nuclei and produce charged
particles. The ionization charge produced along the charged particle tracks is drifted
by a uniform electric field, and signals are collected on wire planes. The data on charge
amplitude, wire position, and arrival times are precisely recorded and are used to re-
construct the event [30].
This technique has excellent capacity for tracking and reconstruction. The de-
tector is most sensitive to ne via the CC interaction,
ne+40Ar! X+ e , (1.34)
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Figure 1.6: Track and cascade events geometry.
where X presents any possible products. NC scattering and electron scattering on 40Ar
are also possible [31].
1.4.3 Liquid scintillator detectors
Liquid scintillator detectors are composed of large volumes of hydrocarbons, which
have the approximate chemical formulae CnH2n . The detector could detect neutrinos
via elastic scattering on electrons and scattering on hydrogen and carbon nuclei. IBD
is the dominant reaction for supernova neutrinos
Liquid scintillator detectors have high energy resolution, low energy threshold
and are excellent for antineutrinos detection by IBD. This technology has been well
developed for 50 years. However, it is much more expensive than water Cherenkov.
1.4.4 UHE neutrino detectors
With the purpose of investigating source candidates like AGNs and cosmogenic neu-
trinos, high-energy neutrino telescopes are undergoing a rapid development. Radio
Cherenkov techniques making use of the Askaryan effect are successful for detect-
ing UHE neutrinos. The Askaryan effect is based on the Cherenkov effect. It is the
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phenomenon that when neutral particles (e.g. neutrinos) passing through a dense di-
electric medium induce a charge excess which emits a cone of coherent radiation. The
Askaryan effect is applied for neutral particles, and therefore, UHE neutrinos could be
tracked. More important, these neutrinos point towards the sources, so this effect can
help us to find the origin of cosmic rays.
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Figure 1.7: Existing upper bounds on the UHE neutrino flux from GLUE, NuMoon,
FORTE, ANITA, RICE, and expected sensitivities at JEM-EUSO (nadir and tilted
modes), LOFAR and SKA as labeled in the figure
Some projects use the moon as a target, searching for radio bursts, as with
GLUE [32], NuMoon [33] and RESUN [34]. UHE neutrinos interact with baryons in
the lunar regolith, resulting in a hadronic shower of particles with about 20% electrons
excess. These electrons create a short duration pulse of radio Cherenkov radiation. The
pulse is emitted in a Cherenkov cone of qc⇠ 55 , and detected by radio telescopes [34].
The FORTE [35] satellite searches the Cherenkov radio bursts resulting from
neutrino electromagnetic showers in the Greenland ice sheet. And RICE [36] and
ANITA [37] use the polar cap in Antarctica as target medium. The space science mis-
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sion JEM-EUSO [38] is planning to observe the fluorescent light emitted from exten-
sive air showers with the Earth’s atmosphere as a target [39].
The LOFAR [40] is a new radio telescope working at low frequencies, 10 – 200
MHz, using the Moon as target. It is a pathfinder of the SKA [41]. The SKA will
operate in the GHz regime. Both of them are in planning stages. In Fig. 4.7, the upper
bounds and sensitivities of these experiments are shown.
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Chapter 2
Supernova rate and diffuse supernova neutrino flux
2.1 Star and supernova
2.1.1 Star’s life
Stars are an important component of the universe. They are born in the high density
region of a nebula, a cloud of dust and gas. Gravity causes dust and gas to contract
and condense into a core. More atoms are attracted into the center, which is a process
of accretion. The core is heated up due to atom collisions. The protostar is formed.
With the higher density and temperature of the core, nuclear reactions ignite, fusing
hydrogen into helium. These reactions release energy, and equilibrium is reached when
the gas pressure balances with gravity. At this point, accretion stops, and we have a
main sequence star.
The evolution of a star is determined by its initial mass and metallicity. Stars
with small mass, M < 1.5 M  (with M  solar mass), remain in main sequence for
billions of years, however those with large mass, M > 8 M , only a few million years.
That is because larger stars have to fuse faster to keep equilibrium. As the proportion
of helium increases, the star slowly increases its temperature and density. To maintain
stability and equilibrium, when the temperature is high enough, helium begins fusing
into carbon.
For massive stars, the temperature can increase further up to the point when
carbon fusion begins. Continuing, neon, oxygen, silicon and then iron are produced.
Shell burning keeps adding mass to the central core until the mass of core reaches the
order of Chandrasekhar mass, the presupernova state. For most massive supernova
progenitors, the result of the silicon-burning stage is the production of iron. The iron
core is at the center of the canonical onion skin structure with progressively lighter
elements from the inside out [43], as seen in Fig. 2.1.
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Figure 2.1: Onion layer structure core of a massive star.
Up until the last burning stage, the mass of the star is supported against gravity
by the released energy from fusion of lighter elements to heavier ones. However, since
iron is the most stable element with the highest binding energy, it does not undergo
fusion. The core has to absorb energy to fuse into a heavier element. Therefore, there
is not sufficient energy to support the gravity, and the core contraction quickly turns
into collapse. This process lasts less than 1 second, and increases the temperature and
density of the core. A shockwave is formed and causes an explosion, which is known
as supernova. The core can be compressed into a neutron star. For extremely massive
stars (M   25 M ), the core can directly form a black hole.
A supernova (SN) marks the end of the stellar evolution process of a massive
star as an explosion, ejecting the thermonuclear burning products into the interstellar
medium. The synthesis of heavy elements in supernovae is a candidate mechanism
which could explain the abundances of heavy elements. On the basis of the light curves
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Figure 2.2: Supernova classification from Figure 15.1 of [42].
and features of spectral lines, supernovae are classified into two wide categories, type
I and type II. Generally speaking, these two types are characterized by the absence or
presence of hydrogen lines in the light spectrum. Type I are distinguished into different
subgroups by the presence or absence of Si absorption lines, which are Ia, and Ib/c, as
seen in Fig. 2.2 [42]. Type Ia are observed in all galaxies, whereas Type Ib and Type Ic
have been seen only in spiral galaxies near sites of recent star formation (HII regions).
Type II are mainly observed in spiral galaxies, spiral arms and HII regions, and are
typically absent in regular galaxies (elliptical galaxies).
Type Ib/c and II are generated from the core collapse of massive stars. Type Ia
supernovae, also called thermonuclear supernovae, are produced from the explosion of
white dwarfs. From the point of view of the mechanism that generates the supernova,
type Ib/c are more similar to II. They are more interesting than Type Ia to us, because
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they emit most of their energy as neutrinos and leave neutron stars and black holes as
remnants.
Type II supernovae are distinguished by the details of spectra and light curve
shape, including IIL, IIP, IIn, IIF, etc. In light curves, we see type IIP have a plateau
light phase, and IIL just decay after the maximum to reach a linear luminosity decline.
SN1987A was a case of type IIP. For more detailed information, see Chapter 3.
2.1.2 Physics of core collapse
As the core contracts, electrons get absorbed by protons to produce neutrons and elec-
tron neutrinos, carrying large amounts of energy. Electron capture accelerates the col-
lapse and results in the reduction of Ye, the electron number per nucleon. The pressure
support is also reduced by photodissociation of heavy nuclei,
g+5626Fe⌦ 13a+4n (2.1)
The neutrino opacity is dominated by coherent neutrino-nucleus scattering, n+
(A,Z)! n +(A,Z), which is a neutral current weak interaction. Coherent scattering
means that, if a neutrino has small enough momentum (up to ⇠ 50 MeV), and collides
with a nucleus, this nucleus will recoil as a whole [44]:
The mean free paths for this interaction can be expressed as
l ⇡ 1
nsn
⇡ 107cm 1012gcm 3
r
  A
N2
 10MeV
e2n
 
(2.2)
where n is the number density of nuclei, s is the cross section of scattering, r is the
matter density, en is the neutrino energy, A is the number of nucleons and N is the
number of neutrons. When the diffusion time of neutrinos (R2/l , R is the radius of the
core), ⇠ 10s, is much longer than freefall collapse time, which is less than 1 second,
neutrinos are dynamically trapped in the collapsing core. As a result, deleptonization
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stops and the lepton number is preserved. Despite the neutrino trapping, the collapse is
still occurring and density keeps increasing.
Once the density of the core exceeds nuclear matter density, the inner core re-
bounds into the still infalling outer core, creating shock waves which eject the stellar
envelope. The shock quickly loses energy due to the dissociation of infalling heavy nu-
clei into free nucleons. Neutrinos stream away behind the shock [45]. If the weakened
shock is able to expel the star, supernova explosion would be generated, on the time
scale of ⇠ 100 ms. Later, collapse will stop and form a neutron core. This neutron
star has a 10 – 20 km radius, with a density comparable to nuclear matter density of
1014g/cm3, and contains 90 percent neutrons and 10 percent protons. The progenitors
with mass of 25 – 40 M  and lower metallicity could initially collapse to a neutron
star. Later, due to the too much fallback of envelope onto the neutron star, the pressure
of degenerate nucleons is not sufficient to maintain the stability, and a black hole is
formed. Summary, the outcome and mechanism of a collapse various depending on the
core profiles, rotation and metallicity.
However, numerical simulations find that, for star whose mass is between 8
– 25 M , the shock loses energy severely and stalls about 100ms after the bounce.
The shock does not have sufficient energy to reach the outer layers of the stars. The
infalling material passes the shock and accretes on the core. The supernova explosion
can be achieved only if the shock is revived by some mechanism that is able to renew
its energy. It is thought that the energy deposition by the huge neutrino flux produced
thermally in the proto-neutron star [47] can revive the shock.
2.1.3 The supernova rate
The cosmic supernova rate (SNR) can be obtained directly from observational mea-
surements or by the measurements of star formation rate (SFR). Since the SFR repre-
sents the birth rate of stars, while SNR presents the death rate of massive stars, and
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the massive stars that could generate core-collapse supernovae have short life time
⇠ 30(M/8M ) 2.5 106 yrs, it is expected that the SNR should follow the same evo-
lutionary trends in redshift as the cosmic SFR. The direct SNR measurements are dis-
cussed in the section below. I will discuss the SFR analysis first.
The stellar mass distribution in a newly formed population is given by the Initial
Mass Function (IMF), an empirical function. The IMF is well described by a power-law
form, which was first suggested by Salpeter in 1955 [46], x (m) µ m 2.35.
Here, x (m)dm represents the number of stars with mass between m andm+dm.
Considering that the canonical mass limits for core collapse supernovae are from 8M 
to 50M . Then the relation of SNR and SFR can be presented as:
RSN(z) =
R 50M 
8M  dmx (m)R 125M 
0 dmmx (m)
RSF(z)' 10 2M 1  RSF(z) (2.3)
The limits of integration in the denominator part are 0 – 125 M , and are supposed to
include the main sequence stars. Extracting the SNR from the SFR, with Eq. 2.3 has
some benefits. SFR measurements can get up to higher redshift, z⇠ 7, which is really
difficult to reach for supernova observation. Secondly, the SFR tells us the birth story
of stars. Even if their deaths are not optically luminous, they are included in Eq. 2.3.
Instead, the SNR only includes luminous core collapse supernovae. However, the SFR
method has some uncertainties: the lower and upper mass limits of core collapse are not
confirmed, and especially the lower cuts affect the fraction of core collapse supernovae
strongly. Moreover, the relation of SNR and SFR could be redshift dependent.
As of today, the SFR has been well measured as seen in Fig. 2.3 (Fig. 1 in [48]).
There are two methods to fit the data [48], one is piecewise and another is continuous
27
as,
RSF(z) µ
8>>>>>>>><>>>>>>>>:
(1+ z)b z< 1
(1+ z)a 1< z< 4.5
(1+ z)g 4.5< z
(2.4)
RSF(z) µ
a+bz
1+(z/c)d
(2.5)
where a , b , g , a, b, c, d are fit parameters. In [48], the best fitting values for
these parameters are shown as a=0.0170, b=0.13, c=3.3, d=5.3, a = 0.26, b = 3.28,
g = 7.8.
In our study, we consider SNR measurements, because we have ten data, and
it is more direct. We apply the piecewise function, Eq. 2.4, to the SNR for its trans-
parency [31]. We take a =  0.26 and g =  7.8 [48] and take b and R(0) (the SNR
today) are fit parameters. We obtain the SNR function as:
SNR(z) = R(0)
8>>>>>>>><>>>>>>>>:
(1+ z)b z< 1
2b+0.26(1+ z) 0.26 1< z< 4.5
2.23⇥105⇥2b (1+ z) 7.8 4.5< z
(2.6)
The R(0) favored by the SFR is 1.33⇥10 4h37010 4/yr/Mpc3, and is a factor
of 2 higher than the direct SNR measurements. As discussed in [49], this is most likely
due to missing many dim or dark supernovae, because the SNR measurements are only
sensitive to optically luminous core-collapse supernovae.
2.2 Supernova neutrinos
2.2.1 Neutrino emission from supernovae
A core collapse supernova emits 99% of its gravitational binding energy as neutrinos.
There are basically two processes during a core collapse that contribute to the observ-
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Figure 2.3: Evolution of SFR density with redshift. All the data are shown as grey
points, green triangles, open red star, filled red circles, blue squares, and blue crosses.
The two solid lines are the best fitting parametric forms.
able neutrino flux. The first one occurs when the outgoing shock passes the neutrino
sphere during a few ms, resulting in the emission of electron neutrinos by electron cap-
ture process. This is usually called a deleptonization neutrino burst, which lasts for
about hundred ms. The second one is from the Kelvin-Helmholtz cooling phase of
proto-neutron star with an emission of neutrinos of all flavors. These neutrinos orig-
inate from reactions such as e+e  ! nl n¯l , n+ p! n+ p+ nl + n¯l . The medium is
composed of protons, neutrons and electrons, and the neutrinos don’t have enough en-
ergy to create muons and tauons. Electron neutrinos and anti-neutrinos interact with
matter via charged current and neutral current processes. However, the other flavor of
neutrinos (nµ ,nt ) only have neutral current interactions. Therefore they decouple from
matter in the deeper and higher density region of the star, and for this reason they have
higher temperatures. Moreover, nes interact with neutrons with a shorter mean free
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path than n¯es with protons, due to the overabundance of neutrons compare to protons.
Hence nes have lower decoupling temperatures. Then the hierarchy of average energy
becomes hEei < hEe¯i < hExi, hereafter x indicates µ , t flavor neutrino [51]. Long-
term cooling calculations find perfect equipartition of the luminosities between the six
neutrino species [50].
Several groups have performed simulations of the neutrino spectrum from su-
pernovae, i.e. the Lawrence Livermore group (1998) [52], Burrows, Thompson and
Pinto (2003) [53], Keil, Raffelt and Janka (2003) [54] and Oak Ridge-Basel Group
[50]. We adopt the neutrino spectrum of each species w obtained by the Monte Carlo
simulation given by Keil, Raffelt and Janka (2003):
F0w =
dNw
dE
' (1+aw)
1+awLw
G(1+aw)E0w2
✓
E
E0w
◆aw
e (1+aw)E/E0w , (2.7)
where Lw is the luminosity, E0w is average energy, and G is the Gamma function. The
numerical parameter aw describe the shape of spectrum. Typical values for these pa-
rameters are ax = 2.5, ax = 3.5, average energy E0x = 15MeV , E0e¯ = 18MeV , lumi-
nosity Le¯ ⇠ Lx ⇠ 5 ·1052ergs.
2.2.2 Oscillation of supernova neutrinos
Neutrino oscillations have been verified by solar and atmospheric neutrino observation
and long baseline experiments. Supernova neutrinos undergo flavor conversions near
the SN core, in the SN envelope, on the way to the earth and through the earth. In
supernovae, neutrinos not only interact with the medium through which they propagate
(MSW effect [55, 56]), but also with each other due to the high density of neutrino gas
[57]. Overall, conversion depends on the mass square difference Dm2i j = m2i  m2j , all
three mixing angles (q12, q23, q13), the neutrino energy, and the medium density and
composition of propagation. q12 and q23 are well known [12] and recently q13 has been
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well measured by Daya Bay [6], Reno [7] and T2K [9]. Studying supernova neutrino
oscillation gives us a chance to reveal the neutrino mass hierarchy.
The Hamiltonian 3⇥ 3 matrix of the system can be expressed as,
H = H0+Hm+Hnn (2.8)
Here H0 is the Hamiltonian in vacuum, that can be written as,
H0 =
Dm213
2E
0BBBBBBBB@
s213 0 c13s13
0 0 0
c13s13 0 c213
1CCCCCCCCA
+
Dm212
2E
0BBBBBBBB@
c213s
2
12 c12c13s12  c13s212s13
c12c13s12 C212  c12s12s13
 c13s212s13  c12s12s13 s212s213
1CCCCCCCCA
(2.9)
The other two terms are the matter term Hm, and the neutrino-neutrino term
Hnn . I will discuss them in detail below.
2.2.2.1 Collective neutrino oscillation
Early studies of supernova neutrino oscillations focused on MSW-like effects [58], as-
suming the effect of neutrino-neutrino interactions was small. However, it was found
that coherent scattering of neutrinos with other neutrinos could have a significant effect
[59] to the MSW. During the accretion phase, the neutrino-neutrino collective effects
cause non-linear neutrino flavor conversions, long before the MSW flavor conversions
start.
To investigate the collective neutrino oscillations, single-angle and multi-angle
schemes are commonly used [57]. Both apply the neutrino bulb model, where the
supernova environment is spherical symmetric around the center of the proto-neutron
star. A multi-angle neutrino-neutrino interaction scheme assumes axial symmetry, but
not complete spherically symmetric. On the other hand a single-angle scheme supposes
the neutrino evolution is simply spherically symmetric.
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The Hamiltonian of the n-n oscillation with the multi-angle dependence as
studied in [60, 61] is
Hnn =
p
2GF
Z
dp0(1  pˆ · pˆ0)(rp0   r¯p0) (2.10)
where GF is the Fermi constant, pˆ and pˆ0 are the unit vector of the propagation di-
rection of the colliding neutrinos. The density matrices for neutrinos and antineu-
trinos are rp0 and r¯p0 respectively, whose diagonal elements are neutrino densities,
rp0 = diag(nne ,nnµ ,nnt ), r¯p0 = diag(nn¯e ,nn¯µ ,nn¯t ), and off-diagonal elements encode
phase information due to flavor oscillations.
In a supernova, nµ , nt and their antiparticles are produced at identical rates.
Following the standard terminology, we define the non-electron flavor states as nx,y =
cosq23nµ ⌥ sinq23nt [62], here q23 ' p4 is the atmospheric mixing angle. Since the
initial nx and ny fluxes are identical, the primary neutrino fluxes can be expressed in
terms of ne, n¯e and nx.
The multi-angle neutrino-neutrino interactions between ne and ny are driven by
the atmospheric mass difference Dm2atm = 2.35⇥ 10 3eV 2 [63] and the mixing angle
q13, where sin2q13 = 0.02 [6]; while ne $ ny oscillation is driven by Dm2sol . The third
state, nx contributes to the collective effects negligibly as studied in [64]. However, it
undergoes MSW effects at later time. The neutrino fluxes after collective oscillation
can be expressed as:
Fcne = PcF
0
ne +(1 Pc)F0ny (2.11)
Fcn¯e = P¯cF
0
n¯e +(1  P¯c)F0n¯y (2.12)
where Pc and P¯c are the survival probabilities of ne and n¯e after self-induced flavor
conversions, strongly depending on the mass hierarchy and neutrino flux density. The
neutrino spectral swap (flavor exchange) ne$ nx, occurs as discussed in [65] in various
conditions. Poring the cooling phase, multiple spectral splits could occur [66].
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After the primary fluxes F0ne undergo the neutrino-neutrino interaction, they will
have traditional MSW effects at larger radii. In the medium, the potential difference of
ne and nx due to the charged current scattering of ne on electrons [67] is
V =
p
2GFNe, (2.13)
where Ne is the number density of electrons.
The corresponding eigenstates and eigenvalues of the Hamiltonian depend on
V. The neutrino evolution equation is
i
d
dt
0BBB@ne
nx
1CCCA=
0BBB@ 
Dm2
4E cos2q +V
Dm2
4E sin2q
Dm2
4E sin2q
Dm2
4E cos2q
1CCCA
0BBB@ne
nx
1CCCA (2.14)
So the mixing angle in matter qm is expressed as
sin22qm =
sin22q ·  Dm22E  2⇥Dm2
2E cos2q  
p
2GFNe
⇤2
+
 Dm2
2E
 2sin2q (2.15)
Therefore, we can see that the resonance occurs when sin22qm = 1 ( i.e. at
maximal mixing),
p
2GFNe =
Dm2
2E
cos2q (2.16)
In the resonance layer, the density is
rres ⇡ Dm
2mN
2
p
2GFEYe
cos2q ⇡ 1.4⇥106gcm 3 Dm
2
1eV 2
10MeV
E
0.5
Ye
cos2q (2.17)
wheremN is the mass of the nucleon, q is the mixing angle and E is the neutrino
energy. There are two resonance (level crossing) layers, associated with (Dm2atm, q13),
and (Dm2sol , q12), respectively [68].
For Dm2atm ⇠ 2.3⇥ 10 3eV 2, the required density is about 103 to 104g · cm 3.
This is known as the H-resonance layer (higher density). For Dm2sol ⇠ 7.6⇥10 5eV 2,
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Figure 2.4: Level crossing scheme in supernova versus electron number density ne for
normal hierarchy from Fig. 1 of [69]. The semi-plane with negative density describes
the conversion of antineutrinos.
the density is about 10 g⇥ cm 3, called the L-resonance layer (lower density). These
two layers are both in the outer supernova envelope, far outside the core of the star.
If the mass hierarchy is normal (inverted), the H-resonance occurs in the neu-
trino (anti-neutrino) channel, instead, the L-resonance always occurs in the neutrino
channel as seen in Fig. 2.4 and 2.5. One may calculate the transition probability PH –
the probability that a neutrino jumps between the matter eigenstates of the Hamiltonian
by using the Landau-Zenner-Stuckelberg formula and the profile,
PH = exp
h
   Er
E
 2/3i (2.18)
Er = 1.08 ·107MeV
  |Dm232|
10 3eV 2
 
C1/2sin3q13 (2.19)
where C=1 – 15 as described in [70]. The adiabaticity parameter g determines the
dynamics of conversion,
g ⌘ Dm
2
2En
sin22q
cos2q
ne
|dne/dr| (2.20)
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Figure 2.5: Level crossing scheme in supernova vs electron number density ne for
inverted hierarchy from Fig. 2 of [69]. The semi-plane with negative density describes
the conversion of antineutrinos.
where ne is the electron number density, q is the mixing angle [71]. When g   1,
corresponding to small jump probability, adiabatic conversion occurs, where strong
flavor exchanged is realized. When g ⌧ 1, the resonance is called nonadiabatic, and
no conversion occurs. The flavor conversions in these two resonances are independent,
and the total survival probability is the product of the survival probabilities in these two
separate layers. Therefore the survival probability for the MSW effects only, can be
calculated for normal hierarchy:
PM ' PHsin2q12+[1 PH(1+ sin2q12)]sin2q13 (2.21)
P¯M ' cos2q12(1  sin2q13) (2.22)
For inverted hierarchy:
PM ' sin2q12(1  sin2q13) (2.23)
P¯M ' PHcos2q12+[1 PH(1+ cos2q12)]sin2q13 (2.24)
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Therefore, the emerging neutrino fluxes from SN after collective oscillation and MSW
effect can be expressed as
Fne = PMF
c
ne +(1 PM)Fnx (2.25)
Fn¯e = p¯MF
c
n¯e +(1  p¯M)Fcn¯x (2.26)
After neutrinos escape from the SN, we suppose they travel through vacuum before
arriving at the detector. Then for normal hierarchy the detected fluxes are:
Fne = sin
2q12(F0ne F0nx)[P¯c(2PH 1)+1 PH ]+F0nx (2.27)
Fn¯e = cos
2q12P¯c(F0n¯e F0n¯x)+F0n¯x (2.28)
For inverted hierarchy:
Fne = sin
2q12Pc(F0ne F0nx)+F0nx (2.29)
Fn¯e = cos
2q12(F0n¯e F0n¯x)[P¯c(2PH 1)+1 PH ]+F0n¯x (2.30)
Therefore, we can get the total survival probability of n¯e after leaving the star
P¯nh = cos2q12P¯c for NH and P¯ih = cos2q12[P¯c(2PH 1)+1 PH ] for IH. If the hierarchy
is inverted, the time-averaged survival probability is ⇠ 0 for the measured value of q13
and then the final detected n¯e flux is only the original nx flux [68].
After the neutrinos exit the SN, they arrive at the Earth as mass eigenstates. The
conversion probabilities through the Earth Pi.e. is given by [68]. In our calculation, we
neglect the earth effects compare to other effects. For simplicity, we take the n¯e survival
probability P¯ as 0 and 0.68 for normal and inverted hierarchies.
2.2.3 SN1987A
Following [73], we do an SN1987A data analysis, including twelve data points from
from Kamiokande II and eight from IMB. All of these neutrinos were detected by
the inverse beta decay, where the emitted positron was measured by its Cherenkov
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light. Taking into account of the flavor conversion of neutrinos, we use the set of five
parameters, Le¯,Lx,E0e¯,Ex, P¯.
Due to the sparse number of events in the detector, the maximum likelihood
method is adopted following [74, 75]. The energy range of detected events is divided
into a few bins. The expected number of events in each energy bin can be expressed
as ni, depending on Le¯,Lx,E0e¯,Ex, P¯. The actual events number in this bin is Ni. The
probability for an outcome with Ni events in i-th bin is Pi,
Pi =
nNii
Ni!
e ni (2.31)
The likelihood function is expressed as (see Appendix A),
L =
Nbin
’
i=1
Pi, (2.32)
where Nbin is the number of bins. The expected number of detected events in
i-th bin is given by,
ni =
Z Ei+DE
Ei DE
Np
4pD2
s(E+DM)Fn¯e(E+DM)dE (2.33)
s = s0
⇣ E
me
⌘⇣
1  DM
E
⌘h
1  2DM
E
+
DM2 m2e
E2
i1/2
(2.34)
where the interval of integration [Ei DE,Ei+DE] corresponds to the energy
bin, D is the distance from SN1987A to the Earth, DM is the neutron proton mass
difference which is 1.29 MeV, s is the cross section of inverse beta decay, me is the
electron mass and Fn¯e(E+DM) is the electron antineutrino flux at the detector. Here
the energy resolution function is not included in the calculation, due to the method of
dividing the energy bins with consideration of energy uncertainties e . The size of each
energy bin is ⇠ 2e .
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Applying the calculation to Kamiokande II and IMB data separately, we could
getLK2,LIMB. The total c2 is,
c287 = 2ln
 
LK2 ·LIMB
 
(2.35)
We perform the maximum likelihood analysis, finding the minimum value of
this quantity, c287,min and scan this five parameter space, with the condition,
c2(Le¯,Lx,E0e¯,Ex, P¯) c287,min  c(k), (2.36)
where k is the number of parameters, here k=5. Find the allowed region at
68.3%, 90%, 99% confidence level, with c(5) = 5.86,9.24,15.09 respectively (see
Appendix A).
The best fit value of c2 is 84.2, with corresponding parameters (Le¯, Lx, E0e¯, Ex,
P¯)= (4.0 ·1043 ergs, 0.8 ·1043 ergs, 4.2 MeV, 14.9 MeV, 0.68). In the allowed parameter
space, we do projections on the Ex - E0e¯ plane. As discussed before, E0x > E0e¯, see Fig.
2.6. The regions of E0x < 8MeV and E0e¯ < 5MeV are excluded, and E0e¯ is no more
than 16 MeV. For IH, there are only x flavor neutrinos contributing to the neutrino flux.
We find the contour plot for Lx and E0x as in Fig. 2.7. The allowed E0x is between 9 –
15MeV and Lx is 0.2 – 1.3 ⇥1053 ergs.
2.3 Supernova rate analysis
2.3.1 Direct SNR measurements
In recent years, direct measurements of cosmic core collapse supernovae have been
rapidly improved. In total, we have ten direct measurements with statistic and system-
atic errors at different redshift. These data cover redshift from 0 to 1.11. These data
and references are listed in the table below.
Data point number 1 comes from Botticella et al, who use Southern inTerme-
diate Redshift ESO Supernova Search (STRESS). In their work, the major systematic
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Figure 2.6: Projections of 68%, 90% and 99% confidence level regions (the darker,
medium and light blue) allowed by SN1987A data on the E0e¯ - E0x plane.
Table 2.1: The direct measurements of supernova rate at average redshift z.
Number Average Redshift RSNh37010
 4/yr/Mpc3 Reference
1 0.21 1.15+0.43+0.42 0.33 0.32 Botticella et al [76]
2 0.01 0.43+0.17 0.17 Cappellaro et al [77]
3 0 0.62+0.07+0.17 0.07 0.15 Li et al [78]
4 0.39 3.29+3.08+1.98 1.78 1.45 Melinder et al [79]
5 0.73 6.40+5.3+3.65 3.12 2.11 Melinder et al [79]
6 0.66 6.9+2.552+9.59 2.76 4.63 Graur et al [80]
7 0.3 1.63+0.34+0.37 0.34 0.28 Bazin et al [81]
8 0.39 3.0+1.28+1.04 0.94 0.57 Dahlen et al [82]
9 0.73 7.39+1.86+3.20 1.52 1.6 Dahlen et al [82]
10 1.11 9.57+3.76+4.96 2.8 2.8 Dahlen et al [82]
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Figure 2.7: Projections of 68%, 90% and 99% confidence level regions (the darker,
medium and light blue) allowed by SN1987A data on the E0x - Lx plane.
uncertainty is due to the lack of a spectroscopic classification for a large fraction of
the SN candidates. For the CC SN rate the estimate of the detection efficiency and
the dust extinction correction are also important sources of uncertainty. For their SN
sample, the statistical and systematic uncertainties are comparable. Due to the growing
number of detected SNe, statistical uncertainty will decrease in the future. Therefore,
systematic errors will soon dominate the overall uncertainty.
No.2 data is from Cappellaro et al., who use a sample of 137 supernovae in a
reference sample of about 104 galaxies. The errors quoted are purely statistical. The
most severe concern for systematic error is also the lack of spectroscopic classification
for all candidates.
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No.3 data is from Li et al, who use the Lick Observatory Supernova Search.
They use Poisson statistics for statistical errors. For most of the rates the systematic
errors are roughly the same size as the statistical errors. They emphasize that the final
systematic errors are quite uncertain due to the rough estimates from several compo-
nents.
No. 4 and 5 are fromMelinder et al., who use the StockholmVIMOS Supernova
Survey. In their work, the statistical errors are calculated with chosen redshift bins, with
a reasonable number of sources in each bin to obtain similar statistical errors. Because
of the low number of SNe, the statistical errors are high. The systematic errors are
frommisclassification, redshift uncertainties, detection efficiencies, photometric errors,
etc.. The summed systematic errors are roughly half of the statistical errors. The main
contribution to the systematic errors comes from misclassification.
No. 6 data is from Graur et al, who use Subaru Deep Field. They use 1s
Poisson uncertainty as statistical errors. The systematic errors are mainly from mis-
classification, which is uncertain and greater than statistical errors.
No. 7 data is from Bazin et al, who use Supernova Legacy Survey. Their sys-
tematic errors come from type misidentification and redshift migration due to the use
of photometric redshifts, which is an estimation of the distance of an object using pho-
tometry to determine the redshift. The statistical error comes from the limited number
of redshift pairs they have used for the simulation. These two kinds of errors are com-
parable.
No. 8, 9 and 10 data are from Dahlen et al., who use Hubble Space Telescope.
In their research, they investigate a number of possible sources for systematic errors,
in which the main source is misclassification. The summed systematic errors are still
smaller than the statistical.
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Taking into account of the various uncertainties, in our work we have three
parts of calculation: first with statistical errors only, the second with both statistical and
systematic errors. The third has both statistical and systematic errors and also considers
the correlation in the same experiments.
2.3.2 Data analysis
We apply a maximum likelihood analysis of these ten measurements (zi, SNRi), as
given in Table 2.1, to find the best fit value of R(0) and b of Eq. 2.6. Suppose redshift
zi has negligible uncertainty. The expected value of SNRi would be SNR(zi). We could
test how well SNRi fit the function SNR(zi) by calculating c2. The analysis can be seen
in detail in Appendix A.
(1). If we consider only the statistical errors, we take s as the average of the
absolute values of positive and negative uncertainty. With the formula above, We obtain
the minimum value of c2min= 3.51, with best fit values of R(0)=0.58 h37010 4/yr/Mpc3,
b = 4.34. The contours in Fig. 2.8 refer to 68.3, 90, 95.4 % confidence levels, which
are defined as c2 c2min=2.3, 4.61, 6.17.
(2). If we consider the both systematic and statistic errors, with quadratic addi-
tion of errors s =
q
s2st +s2sys. We obtain the minimum value of c2min = 1.60, with best
fit values of R(0)=0.52 h37010
 4/yr/Mpc3, b = 4.54, see Fig. 2.9.
(3). If the systematic errors are correlated between data points in the same
experiment, like data No. 4, 5 from the Stockholm VIMOS Supernova Survey and No.
8, 9, 10 from the Hubble Space Telescope, then the correlations between data points
should be taken into account. Then the c2 can be expressed as,
c2 =Â
i
Â
j
[SNRi SNR(zi)]V 1i j [SNRj SNR(z j)] (2.37)
where Vi j is the correlation matrix, which is Vi j = di js2i,stat +Âa sia,syss ja,sys, the a
here represents the systematic error source. Then I obtain the minimum value of c2min =
42
Ê2.5 3.0 3.5 4.0 4.5 5.0 5.5 6.0
0.2
0.4
0.6
0.8
1.0
b
SN
RH0Lh 703
10
-
4 y
r-1
M
pc
-
3
Figure 2.8: These contour plots give the allowed region of SNR(0) and b with statistic
error only
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Figure 2.9: These contour plots give the allowed region of SNR(0) and b with statistic
and systematic errors
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Figure 2.10: These contour plots give the allowed region of SNR(0) and b with corre-
lated systematic errors.
2.10, with best fit values of R(0)=0.53 h37010
 4/yr/Mpc3, b = 4.30, as seen in Fig.
2.10. For the statistic errors only case, the allowed region for 95.4% C.L. of SNR(0)
is from 0.45 to 0.7 h37010
 4yr 1Mpc 3 and b is from 3.4 to 5.2. After getting best
fit values of R(0) and b , plug them into the SNR function, I get a SNR as a function
of redshift, see Fig. 2.11. All ten data points are shown in the figure with statistical
errors. In Fig. 2.12, we can see the star formation rate-favored SNR(0), which is 1.33
h37010
 4/yr/Mpc3 [49], about 2 times higher than what we get. That is been discussed
in [49]. The discrepancy could be due to the faint supernova explosion, black hole
forming collapse. It also shows the lower limit of supernova rate at z=0 by Smartt et
al. [83], which is 0.96 h37010
 4/yr/Mpc3. In their work, they used a 10.5 yr search
with the volume of 28 Mpc and obtained a relative numbers of supernovae. The local
supernova rate limit calculated is based on this search.
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Figure 2.11: Supernova rate as a function of redshift, The black curve presents the star
formation rate-favored SNR function, with (b , SNR(0)) = (3.28, 1.33), the blue curve
is for the results with only statistical errors. All the marks are for data points with
statistical errors in Table 2.1.
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Figure 2.12: These contour plots give the allowed region of SNR(0) and b with statis-
tic error only and with correlated systematic errors, and also provide a lower limit
for SNR(0), which is 0.96. The star represents the star formation rate-favored (beta,
SNR(0)), which is (3.28, 1.33)
The allowed region of (SNR(0), b ) with statistic errors is smaller than that with
correlated systematic errors. With large uncertainty, our allowed SNR(0) could meet
the lower limit value of 0.96 h37010
 4/yr/Mpc3 by [83]. The best fit value of SNR(0)
is 2 times lower than the value predicted by the SFR. Our supernova rate fit provides
a conservative estimation. This cause a lower DSNB prediction, compare to the other
authors.
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2.4 Diffuse Supernova neutrino flux
2.4.1 Expected flux
The detectors on Earth observe the diffuse neutrino flux from the whole sky, which is
the sum of all the neutrino fluxes from every individual supernova, dNadE . After consid-
ering the supernova rate per comoving volume, and survival probability of flavor a due
to neutrino oscillation, we can get the formula below:
F(E) = c
H0
Z zmax
0
RSN(z) Â
a=e,µ,t
dN(E)a
dE
Pa¯ e¯(E,z)
dzp
Wm(1+ z)3+WL
(2.38)
where Wm = 0.3 is the dark matter density, WL = 0.7 is the dark energy density, H0 =
70kms 1Mpc 1 is the Hubble constant. From the equation above, we can see that
the diffuse supernova neutrino flux depends on seven parameters, five from SN1987A
neutrino spectrum, two from the supernova rate function. To obtain the total likelihood
of SN1987A neutrino and supernova rate data, we combine the two c2, c2DSNB=c287 +
c2SNR. Using the same method as before, we find the minimum value of c2DSNB,min, with
a set of best fit parameters and calculate the corresponding F.
We scan the seven parameter space, finding the allowed regions at 99% con-
fidence level, and calculate the interval of flux for three energy thresholds, E > 11.3,
17.3, 19.3 MeV. The 19.3 MeV is the applied threshold in the search of DSNB in SK
in 2003 [86], 17.3 MeV corresponds to the new threshold in SK in 2012 [84], and 11.3
MeV corresponds to the SK detector with Gd addition [85]. Due to the large neutron
capture cross section of gadolinium, this Gd addition may cause 90% efficiency of neu-
tron capture and reduce both spallation events and invisible muons, thus increasing the
accessible energies for a DSNB search [87]. As seen in Table 2.2, with lower energy
threshold, the DSNB flux increases significantly. Most of the flux falls in the low en-
ergy region.
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Table 2.2: The predicted flux of n¯e in a detector above 11.3, 17.3, 19.3 MeV, in the
interval of 99% C.L.
F/cm 2s 1 E>19.3 MeV E>17.3 MeV E>11.3 MeV
99%C.L. 0.07-0.37 0.11-0.55 0.52-2.37
In 2012, the Super-Kamiokande collaboration improves their analysis, and in-
creases the flux upper limit to 2.0 cm 2s 1 for En > 18 MeV positron energy (19.3
MeV neutrino energy, the 1.3 MeV is due to the mass difference between proton and
neutron), and 2.9 cm 2s 1 for En >16 MeV positron energy (17.3 MeV neutrino en-
ergy). These new published limits are five times higher than our calculation. This
discrepancy could be partly made up by the higher supernova rate.
In our analysis, we consider the mass hierarchy. For normal hierarchy, the
survival probability P¯ = 0.68, see Sec. 2.2.2. While for inverted hierarchy, we are
using the survival probability as 0, meaning that all the detected neutrino flux is from
the original µ and t neutrino flux. For more realistic case, for 17.3 MeV threshold, we
have our results shown below, with NH and IH separately, in the interval of 68%, 90%,
99% C.L., see Table 2.3.
Table 2.3: The predicted flux of n¯e in a detector above 17.3 MeV, in the point of maxi-
mum likelihood and in the intervals of 68, 90, 99% C.L.
best fit 68% C.L. 90% C.L. 99% C.L.
NH 0.27 0.22 - 0.34 0.16 - 0.42 0.12 - 0.59
IH 0.24 0.19 - 0.32 0.14 - 0.33 0.10 - 0.49
NH favors higher fluxes than IH. This is because NH has higher survival prob-
ability of n¯e.
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Table 2.4: Neutrino Events Rate in 1Mton detector.
N yr 1 E>19.3 MeV E>17.3 MeV E>11.3 MeV
99%C.L. 5.0-32.6 7.28-40.5 17.5-76.5
2.4.2 Expected neutrino events rate
Large volume water Cherenkov neutrino detectors have been operating for years and the
technique is well known. The expected inverse beta decay events rate can be calculated
as:
Ne(Ep,D) =
Nps(Ep)Fe¯(Ep DM)
4pD2
, (2.39)
Our results are shown in Table 2.4. For 1Mton water detector, with Gd addition,
76 events could be detected per year. Even with higher energy threshold, 17.3MeV, 40
events could be observed per year.
Here we also calculate the number of events per year for NH and IH at three
C.L. with 17.3 MeV threshold, see Table 2.5. The atmospheric neutrino background
is obtained by integrating the flux given by Fig. 1.4. As discussed, when the energy
is larger than 30 MeV, the atmospheric background dominates. Therefore, we search
neutrino signals up to 30 MeV. The calculated background rate is 12 events per year.
Table 2.5: The predicted event rate for a 1Mton water Cherenkov detector above 17.3
MeV, in the point of maximum likelihood and in the intervals of 68, 90, 99% C.L.
best fit 68% C.L. 90% C.L. 99% C.L. Atm. BG
NH 18.8 14.9 - 23.7 11.1 - 30.1 7.28 - 40.5 12
IH 14.8 11.8 - 19.9 8.60 - 21.3 5.88 - 31.3 12
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Table 2.6: The predicted event rate for a 100 kton liquid argon detector, in the point of
maximum likelihood and in the intervals at 68, 90, 99 % C.L.
Nyr 1 E>19.3 MeV E>15.5 MeV E>11.3 MeV
99%C.L. 0.18-1.19 0.39-1.98 0.81-3.06
Compared to water detector, a liquid argon neutrino detector has its advantage:
it is more sensitive and dense. It is strongly sensitive to electron neutrinos by the
interaction,
ne+40Ar! X+ e , (2.40)
where X presents any possible products. Although we don’t have electron neutrino
spectrum from SN1987A, there is a possibility that Fe¯ = Fe. With this assumption, we
use Eq. 2.39 to calculate the event rates with the cross section in [88] and 1.51⇥1033
target particles corresponding to a mass of 100 kton detector.
The potential problem to detect DSNB is the background rate which determines
the energy window. For liquid argon detector, the main background is still atmospheric
neutrinos. For 100 kton size detector, the atmospheric background is 0.45 events per
year with energy from 19.3 to 30 MeV.
From the calculation results of two types of detectors, we can see the neutrino
signal events could exceed the background events. It is realistic to observe the diffuse
supernova neutrino background.
2.5 Discussion and conclusion
In this work, we update the previous work by Lunardini [73]. To estimate the diffuse su-
pernova neutrino background, we need three ingredients: supernova neutrino spectrum,
oscillations, cosmic supernova rate. Therefore, we use SN1987A data to constrain the
model of neutrino emission, including neutrino oscillation, and analyze the most recent
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supernova rate measurements. We evaluate the diffuse supernova neutrino background
signals in both Mton water Cherenkov detector and liquid argon detector.
The detection of neutrinos from SN1987A provided the most direct informa-
tion on supernova neutrinos. We calculate the likelihood functions for the data from
Kamiokande-II and IMB and find the best fit values and allowed regions of parameter
space at various C.L.. We determine the neutrino spectrum with these parameters.
We discuss the neutrino oscillation from the production site to the detector.
During the propagation, neutrinos undergo collective oscillation in the inner region of
the supernova and MSW effect in the outer region of the supernova and in the earth.
The oscillations depend on the mass hierarchy, especially for antineutrinos. With the
well measured large value of q13, for normal hierarchy, we take the survival probability
of n¯e as 0.68; for inverted hierarchy, we take it as 0.
The observation of supernovae is getting precise and rapidly improved. We fit
the supernova rate data up to redshift⇠ 1.1 with three sets of uncertainties: (1). statistic
only, (2). statistic with systematic, (3) statistic and systematic with correlations. Our
best fit of supernova rate at z=0, is a factor of 2 lower than that predicted by SFR. This
is due to part collapses that are intrinsically faint, truly dark or simply obscured.
The uncertainty on the diffuse supernova neutrino background calculation is
dominated by SN1987A data. It has been suggested that the supernova emission should
be larger by indirect evidence and theory. Since SN1987A is the only observed super-
nova neutrino emission, we do not know if it is a typical supernova. Scientists are
looking forward to other supernova neutrino bursts to assure this question.
Our estimated flux is 5 times lower than the SK upper limits in 2012. This
discrepancy could be made up if we have higher supernova rate and larger supernova
neutrino emission. Even with these uncertainties, after comparing our neutrino events
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with background events, we could say there could be a few DSNB neutrino events in a
detectors, like SK, however a larger detector is needed to establish the DSNB with high
confidence.
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Chapter 3
Detectability of neutrinos from failed supernovae
3.1 Failed Supernovae
3.1.1 Failed supernovae
As discussed in Chapter 2, supernovae are classified into various types, Type Ia, Type
II, Type Ib, and Type Ic, according to their different absorption lines of typical chemical
elements in the spectra. Those stars more massive than 10 M  (with M  solar mass)
will end their lives with the gravitational collapse of their electron degenerate iron core.
In general, stars with mass range of 10 – 25 M , would undergo a violent explosion
and emit neutrino bursts lasting 10 – 20 s. They leave proto-neutron stars as remnants.
These successful collapses are known as neutron star forming collapses (NSFC).
Stars with mass exceeding 25 M , may have black holes as outcomes, due
to their larger iron cores. This phenomenon could occur in several mechanisms: (1)
the remnant neutron star is pushed over its stable mass limit by the fallback accretion
[89]; (2) during the proto-neutron star cooling process, nuclear phase transitions occur
[90]; (3) fallback after a successful core collapse explosion [91]. The direct black
hole forming collapses (DBHFC) are also called failed supernovae. They disappear
immediately after the core implosion with no emission of electromagnetic signals. Only
neutrinos and gravitational waves escape from these stars. Neutrinos are the unique
massager taking the information to the earth.
The minimum mass of stars producing DBHFCs are predicted between 25 to
40 M  [92, 51]. According to the initial mass function, this corresponds to 9  22%
of all core collapses. Neutrinos are the only tracers of failed supernovae. Due to their
long mean free path, they could freely propagate to the earth and provide important
information of the mechanisms of direct black hole formation.
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To date, neutrino detectors have only detected neutrino signals from two astro-
physical sources, the Sun and SN1987A. In our galaxy, the predicted supernova rate
is 1 – 3 bursts per century [93]. Therefore, the neutrino observation is limited by the
long waiting times. The observation of neutrino bursts from distant sources is more
difficult due to the smaller flux arriving to the earth. At the largest neutrino detector,
Super-Kamiokande, (22.5 kton fiducial volume), there is still no positive result. There-
fore enlarging the water Cherenkov technology to Mton scale is needed. In our work,
we study the the detectability of neutrino bursts from DBHFCs with Mton size neutrino
detector.
Numerical simulations show that the neutrino bursts from DBHFCs last ⇠ 1
second or less [94, 95], and has high luminosity, up to L⇠ 1053 ergs. The high average
energy is higher than for NSFC, due to rapid contraction of the newly formed protoneu-
tron star preceding the black hold formation. With these characteristics, it may realistic
to observe neutrino bursts emitted from local DBHFCs.
Fig. 3.1 (taken from Fig. 2 of [95]), shows the average energy and luminosity
from a progenitor with 40 M . We can see that the produced electron neutrinos and
antineutrinos have even higher energy than neutrinos of other flavors, with up to 2⇥
1053 ergs luminosity and 20 – 24 MeV average energy, due to high rate of electron and
positrons captures on nuclei. Time duration is strongly dependent on the equation of
state (EOS).
To estimate the observability of DBHFCs, we use the core collapse rate within
10 Mpc, taken from [96]. In their work, Shinichiro Ando et al. take the dust-corrected
measurements from GALEX, and adopt the star formation rate at z=0.
In our study, we convert the core collapse supernova rate to the failed supernova
rate, calculating the fraction of stars above 25 – 40 M  of all stars above 8 M . We
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Figure 3.1: Average energies (upper) and luminosities (lower) of ne, n¯e, nx are pre-
sented as solid, dashed, dot-dashed lines for Lattimer-Swesty (thin) and Shen et al.
(thick) equation of state as a function of time after bounce.
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Figure 3.2: The upper shaded region with uncertainty is the cumulative NSFC rate
and the lower one is the cumulative DBHFC rate within 10 Mpc. Here the fraction of
DBHFC fBH=0.22 is used.
assume this fraction as a distance-independent constant, 0.1 – 0.22. Fig. 3.2 shows the
rates of two types of collapses per year within distance D with uncertainty.
This figure shows that there is a rapid increase of core collapse rates at 3 – 5
Mpc, due to the presence of several galaxies (mainly IC 342, NGC 2403, M 81, M 82,
NGC 4945) in this interval. This is well within the typical distance of sensitivity of
Mton detectors.
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Figure 3.3: Original BH fluxes from Sumiyoshi et al. paper, left one is with EOS by
Shen et al., the right one is with Lattimer & Swesty EOS. The ne (solid), n¯e(dashed),
nx (dot-dashed) are shown.
3.1.2 Neutrino flux from failed supernova
For DBHFCs, we take the original neutrino fluxes before oscillation from Fig. 5 of
Sumiyoshi et al. [97] (see Fig. 3.3 ). They adopted the 40 M  star model by Woosley
&Weaver(1995). We then consider two sets of EOS of nuclear matter, one by Lattimer
& Swesty (LS, 1991) [98], another by Shen et al. (1998) [99].
The LS-EOS is based on the non-relativistic liquid drop model, while Shen-
EOS is based on the relativistic mean field theory and is stiffer. As studied in [100], the
time between bounce and explosion increases with the stiffness of the EOS. For this
reason, the formation of a black hole is easier and faster for Shen-EOS. The emitted
total energy of neutrinos with LS-EOS is less than with Shen-EOS. In the plots, nx is
assumed to have the same flux as n¯x.
Before neutrinos arrive at the detector, they undergo flavor conversion, see Sec.
2.2.2. In the water Cherenkov detector, the main detected interaction mode is inverse
beta decay, n¯e + p! n+ e+. The n¯e flux detected is an admixture of the unoscil-
57
lated flavor fluxes: Fe¯ = p¯F0e¯ + (1  p¯)F0x . Hereafter x represent µ and t flavors,
nx= nµ , n¯µ ,nt , n¯t , and p¯ is the survival probability. The survival probability of electron
antineutrino can be expressed:
p¯' 1  sin2q12 = cos2q12 (3.1)
with normal mass hierarchy, and sin2q12=0.32. If with inverted mass hierarchy, the
survival probability is:
p¯' PHcos2q12, (3.2)
where PH is the flip probabilities at H resonance, (see Chapter 2). For a large
mixing angle q13, PH ' 0 [70]. Therefore it can be seen the p¯ is between 0 – 0.68. In
our work, we consider the extreme values of p¯, 0 and 0.68.
3.2 Detectability of neutrino bursts
3.2.1 Number of neutrino events per burst
For a single burst, the neutrino event number as a function of distance D can be calcu-
lated as,
N(D) =
Z Ecut
Eth
NE,D(Ep)dEp, (3.3)
where Ep is the positron energy, NE,D(Ep) is the positron spectrum, as seen Eq.
2.39 for NSFC, Eth is the energy threshold of the detector, Ecut is the upper limit of the
energy window, defined so that at least 80% of the events fall in the energy window
[Eth,Ecut ]. The lower limit, 16 MeV comes from the Super-Kamiokande energy thresh-
old, discussed in Chapter 2 [84]. Fig. 3.4 gives the positron energy spectrum for a star
at D= 1Mpc. For comparison, both NSFC and DBHFC results are shown in the figure.
For NSFCs, the energy window is from 16 to 33 MeV; in total there are 14 events.
While for DBHFCs the events number is 64, which is 4 times larger than NSFCs. The
number of events increases with the survival probability p¯.
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Figure 3.4: Positron energy spectra for a failed supernova (thick curves) and a neutron
star forming collapse (thin curves) at 1 Mpc distance, with a Mton detector. Solid
curves represent p¯e survival probability p¯=0.68, the dashed curves stand for p¯ =0. The
table shows the number of events detected in a given energy window.
3.2.2 Burst identification and rate
The duration time Dt of a failed supernova burst is less than 1s, for NSFCs it is about
10s. If there are at least Nmin=2, 3 neutrinos detected within Dt and the energy win-
dow, they can be identified as a neutrino burst. The neutrino event number µ(D) is
proportional to D 2. E. g., for a failed supernova µ(D) = 64(Mpc/D 2). Requiring
µ(D) = Nmin = 2, we find that the range of detectability of failed supernovae can go as
far as 5.6 Mpc.
For a 1Mton detector, the probability of detecting N   Nmin neutrinos from a
supernova at distance D , follows Poisson distribution:
P(Nmin,D) =
•
Â
n=Nmin
µ(D)
n!
e µ(D) (3.4)
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Figure 3.5: Detection probability for NSFC (red) and DBHFC (blue), with Nmin = 2, 3,
solid and dashed curves respectively. Here p¯=0.68 is used as in Fig. 3.4.
In Fig. 3.5, we see the probability of detection of a neutrino burst (N   Nmin=2,
3). Requiring that this probability is as large as 80 percent, the sensitive distance can
reach 4 – 4.5 Mpc for DBHFC, and 2 – 2.5 Mpc for NSFC. From Fig. 3.2, it appears
that it is very possible to observe neutrino bursts from failed supernova within 9 Mpc
distance.
Then the rate of detection of bursts from failed supernovae can be expressed as:
R(Nmin,D)BH = Â
i,Di<D
P(Nmin,Di)DRi (3.5)
where DRi is the DBHFC rate in each distance bin i. The equation above is
a sum over the distance bin Di. Similarly, one can obtain the rate of detection RNS
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Figure 3.6: With Shen-EOS, and the fraction of NSFC fNS=0.78, the upper shaded
regions gives the rate of detection of neutrino bursts from NSFC, and the lower one
shows that from DBHFC.
of bursts from NSFCs. The calculated results can be seen in Fig. 3.6. The rates
reach an asymptotic limit after 4 Mpc for NSFCs, and at 9 Mpc for DBHFCs. The
flattening is due to the small detection probability at larger distance. Depending on the
normalization of core collapse rate, the burst rates with Nmin = 2 reach RNS ⇠ 0.05 –
0.13 per year, RBH ⇠ 0.04 – 0.11 for NSFC and DBHFC respectively. Therefore, it is
possible to detect neutrino signals from failed supernovae, whose detection rates are
comparable to ordinary core collapse. The detector could have two detections within
10 years.
3.2.3 Background rate
If the estimated detection rates exceed the corresponding background rates, then a
detected burst can be identified as being from a supernova with considerable likeli-
hood. For the Super-Kamiokande (SK) detector [84], the main backgrounds are cosmic
muon-induced spallation products, solar neutrinos, atmospheric neutrinos, reactor neu-
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trinos and radioactivity as discussed in Chapter 1. The interactions of cosmic rays can
produce high energy muons and neutrinos. These muons can spall oxygen nucleus
(µ+16O! µ+X) and generate unstable nuclei X, which decay into neutrons and then
fake neutrino signals. These spallation products have energy up to 21 MeV. Therefore,
the need to remove these backgrounds determines the lower energy threshold. The spal-
lation cut utilizes a likelihood method, and has been improved to 16 MeV with 91%
efficiency.
The remaining muons from the interaction of atmospheric nµ can be removed
by Cherenkov angle cut. Since positrons with energy larger than 18 MeV have a
Cherenkov angle of 42 degrees. Heavier charged particles, like muons, pions, may
have a Cherenkov angle less than 42 degrees. Therefore the events with Cherenkov an-
gle less than 38 degrees would be cut. For muons from charged current interactions of
atmospheric nµ with decay electrons can mimic neutrino signals. These muons can be
removed by time correlation due to the products with shorter lifetime. Solar neutrinos
can be removed due to their direction. Gamma rays from the surrounding rocks and
detectors may be cut by the travel distance less than 450 cm.
By rescaling the Super-Kamiokande background rates by the volume ratio
  Mton
22.5kt
 
,
within the same energy and time windows, the rate of accidental coincidences of unre-
lated events is l = 1855yr 1, l = 680yr 1 for DBHFC and NSFC respectively. The
rates of two and three unrelated events within duration Dt are:
DtZ
0
le Dtldt ' l 2Dt (3.6)
DtZ
0
l 2Dte Dtldt ' l 3Dt2 (3.7)
Therefore, with some simple calculation, one has the rate of coincidence of two or three
such uncorrelated events in the time window for failed supernova (Dt=1s), w2,BH ⇠
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Figure 3.7: Red curves represent background rates,( w2 solid and w3 dashed.) The
solid blue lines show RBH for Nmin = 2, changing with p¯, 0, 0.2, 0.4, 0.68, from lower
to higher.The dashed blue lines are the same results while Nmin = 3.
0.10yr 1, w3,BH ⇠ 6.4⇥ 10 6yr 1, and for NSFCs with Dt=10s, w2,NS ⇠ 0.15yr 1,
w3,NS ⇠ 3.1⇥10 5yr 1.
For both DBHFC and NSFC, the background doublet rate is comparable to or
slightly higher than the burst rate. Therefore, if there are two detected events in such
short time window, a supernova detection could be claimed. If there are three detected
events, it is certainly identified as a supernova detection.
Since w2 µ l 2 µM2, w3 µ l 3 µM3, the background rates depend on the mass
of the detector, quadratically. Also, the detection rate RBH increases with M and with
p¯, as seen in Fig. 3.7. For Nmin = 2, when the mass of the detector is beyond 0.8 Mton,
the background rate is higher than the neutrino burst rate. However for Nmin = 3, the
neutrino bursts rate is much higher than the background rate. RBH is also proportional
to fBH , which corresponds to the fraction of failed supernovae.
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Figure 3.8: Red curves represent background rates,( w2 solid and w3 dashed). The
solid blue lines show that Nmin = 2, RBH change with p¯, 0, 0.2, 0.4, 0.68, from lower to
higher.The dashed blue lines are the same results while Nmin = 3.
For different EOS, the results vary. With the LS-EOS, the emitted neutrinos
from failed supernova are less luminous and have lower average energies. The Fig. 3.8
shows the results for the LS-EOS, one of the results of the LS-EOSwill have lower neu-
trino burst rates due to the reduction of distance sensitivity. With the same quantities,
with Nmin = 2, RBH ' 0.016 – 0.045 yr 1. When the mass of the detector is beyond 0.4
Mton, the identification of the neutrino bursts with background bursts is much harder.
3.3 Conclusion
The expected rates of detection of neutrino bursts from failed supernovae for a Mton
scale water detector depend on the size (mass) of the detector, fraction of failed super-
novae, equation of state, and survival probability. It is a realistic possibility to have a
detection rate of one per decade, which means that a detection would be likely within
the lifetime of the detector. More inspiring, once the neutrino bursts contain at least
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three neutrinos within the short time duration, approximate 1s, it is easily distinguish-
able from the background events and with identify a failed supernova.
Due to the properties of failed supernovae, invisibility, high neutrino luminosity
and high average energy, and short time duration of the neutrino burst, a neutrino water
Cherenkov detector is possibly the only way to reveal local failed supernovae. The
observation might tell us how a black hole forms via collapse, what the mechanism is.
It might also explain why the bright supernova rate is lower than the star formation rate,
see Sec. 2.1.3.
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Chapter 4
Ultra high energy neutrinos
4.1 Ultra high energy neutrino propagation
In the previous chapters, I discussed the big bang relic, solar, supernova bursts 1987A,
reactor, supernova relic and atmospheric neutrinos with energies from eV to TeV scale.
Extending this range to higher energies will reveal new phenomena in the early uni-
verse.
Since the discovery of the neutrino in the 1950’s, people realized that neutrino
is possibly a unique messenger for astronomy. Although the invention of the gamma
ray telescope has been advanced, photons are limited to energies above tens of TeV
due to the interaction of these photons with background photons, ggB ! e+e . The
threshold of this reaction is 4EgEgB ⇡ 4m2e [101]. Then the TeV photons are attenuated
by the infrared background and PeV photons by the cosmic microwave background.
Neutrinos can travel cosmological distance without being absorbed. Furthermore, the
ultra high energy (UHE) neutrinos with E > 1011 GeV provide unique opportunity to
test the fundamental interactions.
The UHE neutrinos can directly carry the information from the distant sources
or deeply hidden sources. The high energy neutrino observations are primarily moti-
vated by the search for point sources, which could help to identify the sources of cosmic
rays, and by the search for diffuse neutrino flux [28]. The relevant experiments to this
high energy regime have shown successful progress and exciting results. IceCube has
recently reached the PeV energy scale [10]. A new generation of detectors is expected
to operate soon and start to probe the parameter space predicted by theory. The de-
tection of UHE neutrinos will help distinguishing between various models of neutrino
fluxes in great detail and studying the neutrino oscillations and absorption.
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4.1.1 UHE neutrinos
UHE neutrinos can be produced in two mechanisms, acceleration processes and an-
nihilation or decays of exotic massive particles. They can provide information about
distant astronomical objects, such as gamma ray bursts (GRB), active galactic nuclei
(AGN), and possible exotic sources like heavy relics and topological defects. The de-
tailed description will be elaborated below.
The UHE neutrinos are largely absorbed by the cosmic neutrino background
(CnB) via scattering. Due to this effect, the universe is transparent for neutrinos up to
a redshift zt . For energies E & 1011 GeV, the neutrino horizon is zt ⇠ 140 [102]. The
mean free path of neutrinos depends on the neutrino energy and mass, and it is reso-
nantly suppressed due to neutrino-antineutrino annihilation via the Z0 boson (resonant
absorption). The shape of the horizon is rather complicated. This annihilation causes
one or more characteristic absorption dips in the neutrino spectrum.
The signature of resonant absorption was first studied by Weiler in 1982 [103],
with the so called “Z-dip” scenario. Within decades, subsequent works made effort on
modeling the sharp dips with the consideration of non-relativistic neutrino background
[104, 105]. Then the thermal effect on the CnB was taken into account for at least
the lowest of the three masses. D’Olivo et al. [106] presented the thermal effect on
the shape of the absorption dips for a single neutrino species. Further research on a
more realistic three neutrino mass spectrum was done in [107], which provides the
transmission probabilities. In our work, we develop the study of the absorption dips,
including thermal effects exactly, by considering the three active neutrino species and
discuss their dependence on the neutrino mass spectrum. Furthermore, the results are
applied to a number of proposed mechanisms of production of UHE neutrinos.
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4.1.2 Thermal effects
As discussed in Chapter 1, analogous to the cosmic microwave background, cosmic
neutrino background is filling the universe and whose temperature at present epoch
T0 ⇡ 1.697⇥10 4 eV and a number density nn0 ⇡ 56cm 3 per species. The energy of
neutrinos can be expressed as,
E =
q
p2(1+ z)2+m2j (4.1)
For a given mass eigenstate mj, it is non-relativistic at z. zth, j:
(1+ zth, j)p¯0 ⇠ mj. (4.2)
where p¯0 =
p
< p2 > = 3.597T0 = 6.1044⇥ 10 4 eV. Eq. (4.2) means that a mass
eigenstate is non-relativistic at zth, j ⇠ 16
⇣
mj
10 2 eV
⌘
 1. For instance, a mass eigenstate
mj >⇠ 0.05 eV) is non-relativistic at z. 83.
Therefore, when z>⇠ zth, j, thermal effects become substantial for n j component
of the CnB in the scattering with UHE neutrinos. One could estimate zth, j from Eq.
(4.2) of the production redshifts where these effects should be included.
To numerically study thermal effects of CnB, we choose to work with eight
representative mass spectra (see Table 4.1), four for each hierarchy, where the smallest
mass equals mmin = 10 5,10 3,2⇥ 10 2,8⇥ 10 2 eV. In order, these correspond to
spectra that are extremely hierarchical, moderately hierarchical, moderately degenerate
and very degenerate.
4.2 Neutrino absorption effects
From the production site to the detector, UHE neutrinos undergo oscillations and scat-
terings. The observed neutrino flux is significantly different from original one. The
oscillation length losc = 4pEDm2 is about orders of 10 pc, which is much smaller than the
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m1 m2 m3
0.00001 0.0084 0.055
0.001 0.0084 0.055
0.02 0.022 0.058
0.08 0.080 0.097
m1 m2 m3
0.055 0.055 0.00001
0.055 0.055 0.001
0.058 0.059 0.02
0.097 0.097 0.08
Table 4.1: Values of the neutrino masses (in eV) used in this work for NH (left) and IH
(right).
distances L to the sources, L  losc. Therefore, hsin2(L/losc)i ⇡ 0.5. The transition
probability as in Eq. (1.10) is simplified as
P(na ! nb ) = 2|Ua3|2|Ub3|2 (4.3)
Since in general all models UHE neutrinos are generated as the secondaries
from pion decays.
p+,  ! µ+, +nµ(n¯µ) (4.4)
µ+,  ! e+, +ne(n¯e)+ n¯µ(nµ) (4.5)
The composition of neutrinos flux at the sources is ne : nµ : nt = 1 : 2 : 0. Then at
observation the composition is 1:1:1, which is flavor equipartition. Before the UHE
neutrinos reach the detector, they propagate through the CMB andCnB without signif-
icant energy loss except the resonant annihilation of UHE neutrinos on relic neutrinos.
Detectors are not usually sensitivity to neutrino flavor composition, however the reso-
nant absorption dips are sizable in the spectrum. In our work, we focus on the resonant
and non-resonant absorptions and include the effect of cosmological redshift.
4.2.1 Cross section
UHE neutrinos interact with relic neutrinos via several channels, nn¯ ! anything. The
total cross section stot(E, p,mj,z) is summed over all the contributions from resonant
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and non-resonant channels. The cross sections of all the channels are summarized in
Appendix B, and are shown in Fig. 4.1.
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Figure 4.1: Cross sections (colors, thin) contributing to the nn¯ ! anything process,
and total cross section are shown (black, thick), for a representative neutrino mass
mn = 0.08 eV. Thermal effects are not included.
These cross sections are as functions of Mandelstam variable, which is,
s= (qµ + pµ)2 ⇡ 2E 0
⇣q
p2(1+ z)2+m2j   p(1+ z)cosq
⌘
, (4.6)
qµ = [E 0,q], (4.7)
pµ =
hq
p2(1+ z)2+m2j ,p
i
, (4.8)
where qµ and pµ are the four momenta of the UHE neutrino (beam neutrino) and the
background neutrino, respectively, and E 0 = E(1+z), E is the beam neutrino energy
at earth. And q · p ⌘ p qcosq , q is the scattering angle between them. Since beam
neutrino is ultrarelativistic with q  mj, we make the the approximation E 0 = q.
The resonant channel corresponds to annihilation of an UHE neutrino (antineu-
trino) with a background antineutrino (neutrino) via a Z0 boson resonance in the s chan-
nel. The resonance occurs at s=M2Z , where MZ = 91.1876 GeV is the Z
0 boson mass.
As seen in Fig. 4.1, it is supposed the background neutrino at rest or mj   p, which
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is realized for the CnB at the present time and mj >⇠ 10 3 eV. Hence the Mandelstam
variable is 2E 0mj, and the resonant peak is at energy ofM2Z/(2mj).
There are totally nine non-resonant channels in our calculation. The detailed
expression of total cross section is in Appendix B), and it shows three regimes in Fig.
4.1: sub-resonance, where the cross section linearly depends on the energy of the beam
neutrino E’; at or near resonance, where the cross section is dominated by the resonant
term; above resonance, where the non-resonant cross sections approach an asymptotic
value snr ⇠ 10 33 cm2.
4.2.2 Thermal distribution of background neutrino
In the most general case, the momentum of the background neutrino is not negligible.
The exact expression of s, given by Eq. (4.6), should be taken into account. To do
so, we first study the differential cross section for resonant s-channel dsr/dW, which
depends on q through s. Since CnB is isotropic, to obtain the cross section sr, we
integrate dsr/dW over the angular variables. The analytical result as in [106] is very
complicated , see Appendix B. Compare it with the cross section with target neutrino
at rest, see Fig. 4.2. It has a spread in the resonance peak. This feature could be
explained as now the resonance is realized for an interval of the beam neutrino energy,
corresponding to q varying between 0 and p [see Eq. (4.6)]. The cross section at
resonance is larger for a head-on collision, q = p . This is because, there, the energy E 0
required to realize the resonance is minimum, and therefore the prefactor 1/E 0 in the
cross section [Eq. (B.2)] is less suppressed.
The calculation of the neutrino optical depth requires the convolution of the total
cross section sZ for a given momentum of the background neutrino with the momentum
distribution of theCnB [Eq. (4.9)]. In our work, we calculate the cross section averaged
over the momentum as in Eq. 4.10.
71
dnn(p,z) = (1+ z)3
d3p
(2p)3
1
ep/T0 +1
, (4.9)
s¯(E;z,mj) =
R
dnn(p,z)s(E, p;mj,z)R
dnn(p,z)
. (4.10)
In addition to the resonant channel, we take care of the non-resonant channels
with the same considerations above. As seen in Appendix B, the non-resonant contri-
butions are linear functions of s, therefore the smearing effect due to the background
temperature is well captured by using an averaged value of s instead of the exact ex-
pression in Eq. (4.6):
s¯(E,mj,z)⇠ 2E(1+ z)
q
p¯2(1+ z)2+m2j . (4.11)
For simplicity, we use this prescription to calculate the contribution of the
non-resonant channels to the total momentum-averaged cross section, s¯nr(E,mj,z) =
Â
i
snr,i(s¯), where snr,i(s) is the non-resonant cross section for a given channel, i (Ap-
pendix B).
Then we obtain the total cross section sZ averaged over all momenta and angles
summed over all channels. For this calculation, we show sZ as functions of beam
energies as in Fig. 4.3 with various background neutrino masses mn with temperature
at present epoch (z=0). As expected, the smaller mn which is more comparable to
the root mean square of the CnB momentum p¯, has more obvious effect of including
the momentum distribution of the background than the others with larger masses. The
resonant peak gets smoother and broader than others in addition to the broadening due
to the angular integration, here the momentum distribution of the background further
widening the range of beam energy where the resonance can be realized.
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In Fig. 4.4, we show the same cross section with various background neutrino
temperatures (various redshifts) with a fixed neutrino mass. As the temperature rises so
that p¯ becomes comparable to the mass. Hence, the thermal effects become important
at redshifts larger than zth, j as in Eq. (4.2).
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Figure 4.2: The total cross section for a source at z=100 with neutrino mass of 0.08
eV: (i) no thermal effects(Red with average momentum, blue with 0 momentum ) (ii)
cross section calculated at the average neutrino energy (s(hEi), Purple) (iii) thermal
effect(Black).
As a summary, the momentum-averaged cross section gives a fully realistic
description, that can be compared with some approximate treatments of the problem,
shown in Fig. 4.2. In order of sophistication, they include: (i) neglecting the back-
ground neutrino momentum altogether, which overestimates the energy of the resonant
enhancement (ii) including the background temperature in the form of an effective neu-
trino mass meff, j '
q
p¯2+m2j , which reproduces the position of the resonance peak,
and (iii) using the total cross section for the background neutrino momentum fixed at
its root mean square value and averaged over the scattering angle. This captures in
part the spread of the resonance peak over a range of energies. This range is further
broadened for the full result, s¯ .
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Figure 4.3: The total (n + n¯ ! anything) cross section, inclusive of thermal ef-
fects, when averaged over a neutrino background with a momentum distribution as in
Eq. (4.9), with temperature T0 = 1.697 ·10 4 eV. Different lines correspond to neutrino
masses: mn/eV= 8⇥10 2 (purple-dotted), 10 3 (solid-red), 10 5 (dashed-blue).
4.2.3 Optical depth and transition probability
The scattering rate of an a flavor beam neutrino of energy E 0 on a background neutrino
whose momentum distribution is given by Eq. (4.9) is
dGi(E, p,mn j ,z) =
3
Â
j=1
|Ua j|2 dnn j(p,z) si(E, p,mn j ,z), (4.12)
where the index j represents the mass eigenstate of CnB, the index i represents
a specific interaction channel, and the sum is over all mass eigenstates. Therefore, the
total interaction rate of an a flavor would be (see Appendix C for detailes)
Ga(E 0,T ) = Â
j
|Ua j|2
Z
s(E 0, p,mj) dn(p,T )
⌘ Â
j
|Ua j|2 n(T ) s¯(E 0,T,mj), (4.13)
where stot is summed over all the contribution channels and n(T ) =
R
dn(p,T )
is the number density of each neutrino species. Then we need to calculate the optical
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Figure 4.4: The total (n + n¯ ! anything) cross section, inclusive of thermal ef-
fects, when averaged over a neutrino background with a momentum distribution as
in Eq. (4.9) for the neutrino mass of mn = 2⇥ 10 2 eV and a neutrino background
with temperatures T/eV= 3.394⇥10 4,1.867⇥10 3,3.56⇥10 3,1.713⇥10 2 cor-
responding to z = 1 (red-solid), 10(blue-dashed), 20 (purple-dotted), 100 (black-dash-
dotted).
depth, with the consideration that the energy of the beam and the momentum and tem-
perature of the background undergo redshift. This quantity expresses the total number
of collisions of an a flavor beam neutrino with the CnB through its path. It is the
interaction rate integrated over the traveling time from t0 to t(z), as
ta(E,z) =
Z t0
t(z)
dt 0 Ga(E,T ) =
Z z
0
dz0
(1+ z0)H(z0)
Ga [E,T0(1+ z0)], (4.14)
where the relation between proper time and redshift is dt = dz(1+z)H(z) in the
Friedmann-Robertson-Walker metric, and T0 is the temperature today. If a beam neu-
trino has more than one collisions with the background neutrinos during the propa-
gation, ta >⇠ 1, we could say the absorption is significant. For non-resonant chan-
nels, their total cross section is as constant when s & M2W , which is approximately
snr ⇡ stZ+stW ⇡ 7.8 G2F M2W/p ⇠ 8.3⇥10 34 cm2 [see Eqs. (B.6) and (B.8)]. There-
fore, we could use this value in Eq. (4.14), getting
tnr ⇡ 1.0
✓
1+ z
140
◆3/2
. (4.15)
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Therefore, we could estimate the neutrino horizon for s&m2W , beyond which all
the neutrinos are completely absorbed at all energies due to non-resonant scatterings.
This horizon is expected at z& zn ⇡ 140.
Similarly, by using the maximum value of the resonant cross section, sr ⇠ 5⇥
10 32 cm2 [Eq. (B.4)], we get an estimate of the optical depth for the resonant channels:
tr ⇡ 1.0
✓
1+ z
10
◆3/2
. (4.16)
Thus, resonant absorption occurs if the beam energy is around the resonant energy
E 0res ⇠ m2Z/
q
p¯20(1+ z)2+m
2
j at z& zdip ⇡ 10.
Then we could get the suppression of a number of neutrino na N(0) produced
at redshift z and arriving at the Earth with energy E,
Pa(E,z) =
N(E,z)
N0
= e ta (E,z). (4.17)
The UHE neutrino detectors are not sensitive to neutrino flavor. So the flux-
averaged transmission probability can be shown as
P(E,z)⌘ Âa fa(E)Pa(E,z)
Âa fa(E)
, (4.18)
here fa(E) are the flux of neutrinos and antineutrinos of a given flavor a (under
the assumption that neutrinos and antineutrinos have the same transmission and oscil-
lation probabilities, which is justified for a CP-symmetric neutrino background). As
discussed before, the flavor composition is fe : fµ : ft = 1 : 1 : 1 at all energies. Eq.
4.18 could be simplified as,
P(E,z) =
1
3
(Pn(E,z)+Pt(E,z)+Pµ(E,z)). (4.19)
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Fig. 4.5 illustrates the features of Pe,Pµ , Pt and P. It is expected to exhibit three
suppression dips for every probability, named D1,D2,D3, corresponding to the three
values of the neutrino masses, m1,m2,m3. Since neutrinos have resonant absorption
at beam neutrino energy of ⇠ M2Z/mj, the smaller background neutrino mass mj has
resonance at higher beam neutrino energy and with broader resonant cross section peak
seen in Fig. 4.3. Therefore the order of the dips with increasing energy is the inverse
of the order of masses, therefore the order is D3,D2,D1 for NH and D2,D1,D3 for IH.
And the dips get more and more broader. For z larger than a few, D1 and D2 get merged
into a single dip (D12) due to the thermal effects. This is because the mass gap is
comparable with the neutrino average momentum, m2 m1 . 10 2 eV' p¯ at redshift
z = 10. And it could be observed for Pe the dip D3 is suppressed, as a result of Ue3
being small. This explains the dip structure of the flavor-averaged probability, P, and
in particular the fact that the lowest energy dip is less deep for NH than for IH.
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Figure 4.5: Transmission probabilities for UHE neutrinos with different flavors
Pe,Pµ ,Pt (Blue, Red, Purple) and the average survival probability, P (Black) for a
source at z = 10. Left (right) panel is for normal (inverted) hierarchy. The lightest
neutrino has mass m1 (m3) = 10 5 eV.
Fig. B.4 shows the the dependence of P on the energy, on the production redshift
and on the background neutrino mass for NH and IH. We can see as the background
neutrino mass spectrum from hierarchical to degenerate, the dips merge closer to each
other. And for z >⇠ 10, resonant absorption becomes substantial (P . 0.5) as expected
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from Eq. (4.2). For z ⇠ 50  100, the three absorption dips fuse into a single wide
suppression well, that spans more than one oder of magnitude in energy; suppression
in the regime above resonance (s >⇠ m2W ) is of more than 50%. Finally, for z ⇠ 200 far
beyond the neutrino horizon, suppression is nearly complete at E >⇠ 1011 GeV, where
the non-resonant contribution to the cross section alone is enough to have t(E,z)> 1.
4.3 UHE neutrino sources
In the universe, the UHE neutrino fluxes are usually the production of two mechanisms.
One is top down scenarios, where UHE neutrinos are produced from decay of relics of
superheavy particles, and topological defects, like cosmic necklaces and cosmic strings.
Another is acceleration mechanism (astrophysical neutrino sources), where relatively
low energy particles get UHE through multiple interactions in the sources, such as
cosmogenic neutrinos and active galactic nuclei.
UHE neutrinos are expected to be detected in the form of a diffuse flux from all
the sources in the universe. To calculate this flux, it is necessary to model the number
of sources per comoving volume, per unit of physical time, t:
h(z)⌘ 1
r2
d3Ns
dWdrdt
, (4.20)
and the neutrino flux from a single source:
f(E 0)⌘ dNn
dE 0
. (4.21)
The product of the two gives the emissivity of an ensemble of sources:
Ln(E 0,z) = h(z)f(E 0) , (4.22)
with this, we get the diffuse flux (i.e., the number of neutrinos per unit energy per
unit area per unit time per solid angle), in terms of the neutrino energy at Earth E =
E 0/(1+ z) [105]:
Jn(E) =
1
4p
Z •
0
dz
H(z)
P(E,z)Ln [E(1+ z),z], (4.23)
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where Eq. (1.14) was used, and P(E,z) is the average transmission probability given
by Eq. (4.19).
Due to the integration over redshift, the suppression of the diffuse flux is less
rich of structures compared to the case of a single source at fixed redshift. Therefore, we
expect that only a single, wide suppression dip will appear in the neutrino spectrum.
This suppression should be stronger for sources whose distribution extends to high
redshifts, z>⇠ 10, where P. 0.5 in the resonance region (see Fig. B.4).
4.3.1 Top-down scenarios
Top-down neutrinos are predicted by the models beyond standard model. They are
produced in the decay/annihilation of topological defects or super heavy dark matter
(SHDM). They have very high energy up to ⇠ 1025 eV or above. The examples dis-
cussed here are unstable superheavy particles and topological defects, such as cosmic
strings and cosmic necklaces.
4.3.1.1 Super heavy dark matter
In the LCDM model, we know the universe contains about 22.7 percent dark matter,
whose fundamental properties are largely unknown . Considering that the standard
model has a zoo of particles of 3 families, it is natural to imagine that the dark matter
sector may consist of multiple particle species. There could have one kind of lone lived
super heavy particle, called X-particle, with masses mX  1016GeV. These particles
take a tiny fraction xX of total dark matter, i.e., WSHDM ⌘ xXWCDM with xX ⌧ 1. The
life time tX of these objects can be as long as the age of the universe.If they decay
or annihilate into partons between horizon and today, and then proceed to pions and
neutrinos. Then the produced neutrinos have emissivity as [108],
L SHDMn =
3rxWCDM
16p
Q[mX  E(1+ z)]e E(1+z)/mX
ln[mX/(1GeV)](1+ z)2
mpH20
E2t0tp
, (4.24)
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where rx⌘ xXt0/tX . Here we use the parameters aremX ⇠ 5⇥1015 GeV, rX ⇠ 3⇥10 7,
and WCDM = 0.227. The model has a minimum redshift, corresponding to the time
where most of the X particles have decayed (assuming that their lifetime is shorter than
the age of the universe). We apply zmin = 10.
For SHDM whose emissivity is given by Fig. 4.24, we apply the propagation
effects to the flux, and then get the results shown in Fig. 4.8. It is obviously to see the
absorption dips around 1013GeV.
4.3.1.2 Cosmic strings
Cosmic strings are predicted in field theory models whose vacuum manifold is not sim-
ply connected. Cosmic F- and D-strings of superstrings theory may also be produced in
the brane inflation models in string theory [109]. If they exist, cosmic strings are stable
relics formed in the very early universe, thus, they have incredibly high energy densities
in their core. They are characterized by their tension, µ (mass per unit length) denoted
in Planck units as a dimensionless parameter Gµ , where G is Newton’s constant. The
upper bound on cosmic string tension from CMB anisotropy measurements of WMAP
and SPT is Gµ . 1.7⇥ 10 7 [110], and it has recently been updated by Planck to
Gµ . 1.5⇥10 7 [111] which corresponds to a mass scale ms .pµ ⇠ 5⇥1015 GeV.
This suggests that cosmic strings may be responsible for extremely high energy cosmic
rays in the universe if they can emit particles efficiently.
Various mechanisms to produce particles from cosmic strings have been stud-
ied [112, 113, 114, 115, 116, 117, 118, 119], but only a few of them yield observable
fluxes. For instance, observable UHE neutrinos can be achieved at the cusps of super-
conducting cosmic strings [117], which are short segments where the string velocity
momentarily gets very close to the speed of light, and also at the cusps [118] and
kinks [119] of cosmic strings and cosmic superstrings. Recently, Kaluza-Klein mode
emission from cosmic superstring cusps has been shown to be an efficient radiation
80
mechanism [120, 121], which can also lead to UHE neutrinos, and can be a potentially
interesting signature of superstring theory.
In what follows, as an example, we discuss the case of neutrino emission from
cosmic string cusps and kinks via heavy scalars (moduli) [117, 118, 119].
The neutrino emissivities from cusps [118] and kinks [119] (via modulus emis-
sion from cosmic strings) are respectively given by:
L cuspn = 9.5⇥1023a
2(Gµ)1/2 ln[(Gµ)1/2mp/m]
p(1+ z)5
mp
E2t1/2p t(z)7/2
, (4.25)
L kinkn = 1⇥1023
a2(mp/m)1/2
p(1+ z)5
mp
E2t(z)4
, (4.26)
where mp is the Planck mass, tp is the Planck time, t(z) is the cosmic time given by the
integral of Eq. (1.13) from epochs z to •, p . 1 is the string reconnection probability,
Gµ is the string tension,m is the modulus mass and a is the modulus coupling constant.
In both models, the neutrino production has a redshift cutoff,
zstrmin ⇠ 122
✓
Gµ
10 17
◆2/7⇣ m
104 GeV
⌘2/7✓ E
1011 GeV
◆ 4/7
, (4.27)
that corresponds to the minimum energy at which the hadronic cascade produces pions
(e ⇠ 1 GeV in the rest frame of the modulus), therefore the expressions above are
valid for z > zstrmin. Eqs. (4.25) and (4.26) show that in both cases the emissivity is
dominated by the emission at low redshifts, therefore the suppression of the diffuse
flux due to absorption should be roughly determined by P(E,zstrmin). Here, we used the
following parameter values: for kinks, a ⇠ 1, m ⇠ 104 GeV, Gµ ⇠ 10 17 and p ⇠ 1,
corresponding to zstrmin ' 2.3  122 in the interval E ' 1011   1014 GeV; for cusps,
a ⇠ 2⇥107, m⇠ 104 GeV, Gµ ⇠ 6⇥10 19 and p⇠ 1, which give zstrmin ' 1.0 54 for
E ' 1011 1014 GeV.
Fig. 4.9 shows the diffuse flux from cosmic string kinks and cusps, with ab-
sorption effects, for the eight neutrino mass spectra (four for each hierarchy) listed in
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Table 4.1. The flux has a sharp cutoff at about E ⇠ 1010 1011 GeV. This is where the
zstrmin ⇠ zn ⇠ 140, so that the entire flux is emitted beyond the neutrino horizon zn , and
is completely absorbed before reaching Earth.
In the spectrum, we observe the expected smearing of the dips into a single,
broad suppression feature in the energy interval E ⇠ 1011 1014 GeV. The suppression
is overall stronger for kinks, due to the higher values of zstrmin. The dependence of the
suppression on the neutrino mass spectrum is fairly weak: the spectrum shape is nearly
identical for the all cases except for the one with the largest mass. This is due to a
combination of the two smearing effects discussed above, due to redshift integration
and to the thermal effects. Considering large values of zstrmin, thermal effects influence
the position and depth of the dips more than the neutrino mass itself, at least for the
strongly hierarchical neutrino spectra.
For superconducting string cusps, the neutrino emissivity is given by [117]
L supn = 1.4⇥1022 ic fB
(1+ z)5/2
Bmpt
1/2
p
E2t(z)5/2
, (4.28)
where ic . 1 is the dimensionless string parameter characterizing the maximum current
on the string, fB ⇠ 10 3 is the magnetic field filling factor, B⇠ 10 6 G is the magnetic
field strength. In Fig. 4.10, we take ic ⇠ 0.1. Like in the previous case, the emissivity
is dominated by low redshifts, and has a lower redshift cutoff,
zsupmin ⇠ 1.2 i3/2c
✓
Gµ
6.7⇥10 19
◆ 3/4✓ B
10 6 G
◆2✓ E
10 12 GeV
◆ 3/2
, (4.29)
furthermore, z < zmax ⇠ 5, because in Ref. [117], it was assumed that the magnetic
fields trace galaxies and clusters, and thus strings have no current at times prior to
structure formation.
In Fig. 4.10, we plot the neutrino flux from the superconducting cosmic string
cusps. It can be clearly seen that the absorption dips are too tiny to be observable.
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Because the dominant redshift zsupmin is small, the optical depth is much less than unity,
hence absorption in only at the level of 10% or less. Similarly to cosmic string cusp
and kinks, the flux vanishes at about E ⇠ 1011 GeV, when zmin ⇠ zn .
4.3.1.3 Cosmic necklaces
Cosmic necklaces are topological defects made up of strings and monopoles [122, 123].
They are predicted in field theory models, where the symmetry breaking sequence has
the form G! H⇥U(1)! H⇥Z2, where G is a semi-simple Lie group. As a result
of the first symmetry breaking, monopoles form, and after the U(1)! Z2 breaking,
each monopole is attached to two strings, each of which carries out half unit of flux
as a result of the remaining Z2 symmetry, hence the name cosmic necklace. As the
monopoles and antimonopoles on loops of necklaces meet, they annihilate and produce
heavy X-bosons related to the corresponding symmetry breaking scales of monopoles
or strings. The bosons then decay via hadronic cascades into pions, that eventually
decay producing numerous UHE neutrinos.
The neutrino emissivity from cosmic necklaces is given by [123] (see however
Ref. [124])
L neckn =
Q[mX  E(1+ z)]e E(1+z)/mX
2ln[mX/(1GeV)](1+ z)6
r
E2mptpt(z)3
, (4.30)
where mX is the mass of the emitted heavy boson, and r is a parameter that depends
on the monopole mass and the string tension. The model has a minimum redshift of
neutrino emission, zneckmin , which depends on the lifetime of the necklace. There is also
a maximum energy cutoff, where E 0 = E(1+ z) ⇠ mX ; the flux vanishes beyond this
point. Here we take mX ⇠ 5⇥1015 GeV, r ⇠ 2⇥1030 GeV2 and zneckmin = 10.
Fig. 4.9 shows the diffuse flux expected in this model, with absorption included
for the eight mass configurations of Table 4.1. The flux suppression effect is similar to
the case of cosmic string cusps and kinks: all these models share the common feature
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of a large redshift cutoff, zmin >⇠ 10, which controls the degree of absorption. We note,
however, that the cutoff is parameter-dependent: smaller values of zmin (i.e., longer
lifetime of the necklace) are allowed, and would result in weaker suppression. Even for
large zneckmin , the flux from cosmic necklaces may show no absorption effects, if mX .
1012 GeV, which means that the maximum neutrino energy cutoff is below the range of
energy where absorption is relevant.
4.3.2 Bottom-up scenarios
In the bottom-up scenario, it is assumed that UHE neutrinos are generated from some
cosmic accelerators via hadronic cascades. The possible sources are gamma ray bursts,
active galactic nuclei, young supernova remnants, pulsars and so on. I will discuss
some of them below.
4.3.2.1 Cosmogenic neutrinos
Cosmogenic neutrinos are produced during the propagation of ultra high energy cos-
mic rays (UHECR). The UHECRs with energies larger than threshold energy of ⇠
5 · 1019eV interact with cosmic microwave background, produce pions via D+ reso-
nance.
p+ g ! D+! p/n+p0,± (4.31)
Then the p0 decay into gamma rays, and the p± decay into three neutrinos and
one position/electron. These produced neutrinos are called cosmogenic neutrinos. With
this UHE neutrino source, I apply propagation effect to its energy spectrum. Here, the
neutrino spectrum is taken from R. Engel et al. Since the Z0 resonance occurs around
energy of 1013GeV, and the adopted spectrum goes down rapidly after that energy, the
effect can not be observable in this case.
This is the same phenomenon as the origin of the observed GZK cutoff of the
cosmic ray proton spectrum [25, 26]. The neutrino production is dominated by the D+
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resonance, which for CMB photons is realized at Ep & 5⇥1010 GeV of proton energy.
Through the resonance, pions are produced, and their decay chain generates muon and
electron neutrinos. Since the parent protons are absorbed efficiently, we expect that the
neutrino flux can be higher than the observed proton one. The cosmogenic neutrino
spectrum f(E 0) has been calculated in Refs. [125, 126].
The neutrino emissivity for cosmogenic neutrinos is given by
L cosmn =N0(1+ z)
n 1f(E 0) (4.32)
where N0 and n characterize the source population in normalization and redshift evo-
lution. The neutrino spectrum f(E 0) has an exponential cutoff at the maximum proton
acceleration energy Emax.
Under the assumption that UHE protons are produced by stellar or galactic-size
objects, the evolution of the source should have n ' 3  4, with a maximum redshift
zmax ' 7  10. Here we take n = 3 and zmax = 10, and use the single source spec-
trum from Ref. [125], which has maximum acceleration energy Emax ⇠ 1011 GeV. The
resulting diffuse flux is shown in Fig. 4.7, and is practically the same with and with-
out resonant absorption. Neutrino-neutrino scattering effects are completely negligible,
since the sources are at low redshifts, zmax . 10, where the optical depth is very small,
t⌧ 1. Besides, even a modest absorption dip would probably be unobservable because
the flux declines sharply with energy above Emax, and is greatly suppressed in the part
of the spectrum relevant for absorption, E ⇠ 1012 1013 GeV.
4.3.2.2 Gamma ray bursts and Active galactic nuclei
Gamma ray bursts (GRB) and Active Galactic Nuclei (AGN) are sources of high en-
ergy gamma rays, and candidate sources of UHE neutrinos. The UHE neutrinos are
produced via hadronic cascades in the interactions of high energy protons with the
intense photon background in the source. The redshift evolution of these sources is be-
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lieved to be stronger than the star formation rate history. Specifically, their comoving
rate can be written as:
dN
dz
= A ·hSFR(z)(1+ z)b dVcdz
1
1+ z
, (4.33)
where Vc is the comoving volume, A is a normalization constant, and b ' 1.5 for GRB
[127] and b ' 2 for AGN [128]. Here hSFR is star formation rate density [129]:
hSFR(z) = h0
"
(1+ z)a+
✓
1+ z
B
◆b
+
✓
1+ z
C
◆c# 0.1
. (4.34)
with h0 = 0.02 M  yr 1Mpc 3 (M  is the mass of the Sun), a =  34, b = 3, c =
3.5, B= 5000, C = 9 [129].
The neutrino spectra follows a power law, f(E 0)µ E 0 2, with a lower and upper
energy cutoffs. Therefore the neutrino emissivity is given by,
L GRBn = j0
dN
dz
✓
E(1+ z)
Emax
◆ 2
Q[E(1+ z) Emin] Q[Emax E(1+ z)] . (4.35)
Here we use the normalization j0 ' 10 49GeV cm/s, Emin ' 109GeV, and
Emax ' 1012GeV [105].
Similar to cosmogenic neutrinos, our results show that absorption is negligible
for GRB and AGN neutrinos, since their flux is dominated by small redshifts of order
a few, and is cut off below the energy range of interest for absorption.
4.4 Discussion and conclusion
In this work, we have studied the absorption of cosmic UHE neutrinos propagating
through the CnB, including the effects of the thermal distribution of the background
relic neutrinos. The thermal effects have been fully calculated, with three active neu-
trino species, and realistic neutrino mass spectra and mixings. The resonant production
of Z0 through annihilation results in absorption dips in UHE neutrino spectrum. The
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thermal effects cause the resonance to be realized for an interval of the beam neutrino
energy, depending on the scattering angle and the temperature of the background. That
is, with the consideration of the thermal effects, the shape and position of the absorption
dips will both change.
The suppression of the UHE neutrino spectrum changes from sharp to wide as
the thermal effects become important. This transition occurs when p¯(1+ z) ⇠ mmin,
with mmin being the smallest of the three neutrino masses. In terms of cosmic time, this
corresponds to redshift 1+ zth ⇠ 16 mmin/(10 2 eV). For mmin <⇠ 10 4 eV, thermal
effects are already substantial, for the lightest neutrino species, at the present time.
However, this does not translate in a flux suppression, due the insufficient optical depth.
We find that the optical depth is substantial, t >⇠ 1, for neutrino sources at z >⇠ 10
[Eq. (4.16)].
The fact that z >⇠ 10 is required to have significant suppression has two im-
portant consequences. First, neutrinos from stellar and galactic sources (e.g., cosmo-
genic neutrinos and neutrinos from AGN and GRBs), which extend up to z ⇠ 5 or so,
have negligible absorption, and therefore their spectrum is a direct representation of
the physics of the sources. Secondly, an observable spectrum distortion should have at
most two dips, not three. This is because, at z >⇠ 10, the mass difference between m1
and m2 is comparable with the average neutrino energy, i.e., m2 m1 ⇠ 10 2 eV ' p¯,
therefore the scattering off n1 and n2 causes a single dip instead of two separate ones.
A further smearing of the suppression dips is produced by integrating over the
spatial distribution of the sources. We worked out specific examples of diffuse UHE
neutrino fluxes, with a focus on neutrinos from top down mechanisms, for which the
sources extend beyond z ⇠ 10, and therefore a strong absorption is expected. The
cases considered were cosmic string kinks and cusps, super-heavy dark matter, cosmic
necklaces and superconducting strings. In all these models the flux is dominated by
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the contribution of sources closest to us, i.e., at the lowest redshift, zmin, which, in
general, depends on energy. Therefore, in first approximation the flux suppression
is described by P(E,zmin), with P(E,z) being the probability of transmission for a
neutrino of energy E (at Earth) and production epoch z [Eq. (4.19)].
We have found that, indeed, for sources with zmin >⇠ 10, the diffuse flux is sup-
pressed strongly, up to an order of magnitude or even more, in some cases. A broad
suppression valley is localized between 1012 and 1014 GeV; its shape and extent in en-
ergy depends on the details of the model and on the neutrino mass spectrum. However,
the dependence on the neutrino mass spectrum, and especially on the mass hierarchy,
is relatively weak.
This generality is a result of the thermal effects, which, at least for the hier-
archical mass spectra, dominate over the neutrino mass effect, and tend to make the
suppression mass-independent. This has an immediate implication: the energy inter-
val 1012 1013 GeV is potentially the worst place to look to discover UHE neutrinos.
This might have to be taken into account in the design of UHE neutrino detectors. We
note that SKA (which is not optimized for neutrino detection) has maximum sensitiv-
ity exactly in this range (see Fig. 4.7), therefore it might find itself in a position of
disadvantage compared to other probes with different energy sensitivity.
Without being too specific, here we assume that UHE neutrino detectors can
identify, at least roughly, a suppression in the neutrino spectrum. In the worst case of
energy-blind detectors, some sensitivity can be gained by comparing the fluxes mea-
surements or upper limits from different techniques probing different parts of the neu-
trino spectrum. For a single detector, a suppression may be defined only relative to a
model of reference.
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Figure 4.6: Flavor-averaged survival probability given by Eq. (4.19), as a function
of the observed neutrino energy, for a source located at z = 1 (blue), 20 (red), 100
(purple), 200 (black) (curves from top to bottom in each figure). Left (right) column is
for normal (inverted) hierarchy. Figures from top to bottom correspond to the lightest
neutrino mass m1 (m3) in eV: 10 5, 10 3, 2⇥10 2, 8⇥10 2.
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Figure 4.7: Solid (black) curves: existing upper bounds on the UHE neutrino flux from
RICE, ANITA, FORTE, NuMoon, and expected sensitivities at JEM-EUSO (nadir and
tilted modes), LOFAR and SKA. Non-solid (color) curves: UHE neutrino fluxes from
cosmic string cusps, cosmic string kinks, superconducting cosmic string cusps (SCSC),
cosmic necklaces, superheavy dark matter (SHDM), cosmogenic neutrinos and active
galactic nuclei (AGN) (see the legend in the figure).
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Figure 4.8: Neutrino fluxes from super heavy dark matter with propagation effects,
as a function of the energy. Left (right) one is for normal (inverted) hierarchy,
m1(m3)=10 5, 10 3, 2 ·10 2, 8 ·10 2 (As shown in brown, blue, green, purple)
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Figure 4.9: Neutrino fluxes from top down models. From top to bottom panels: cos-
mic string cusps, cosmic string kinks, cosmic necklacesas a function of the energy,
for the masses as in fig. B.4. Left (right) column is for normal (inverted) hierarchy,
m1(m3)=10 5, 10 3, 2 ·10 2, 8 ·10 2 (As shown in brown, blue, green, purple)
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Figure 4.10: Expected neutrino flux from superconducting cosmic string cusps (SCSC)
as a function of energy, for the same neutrino mass values (and color coding) as in
Fig. 4.9. Left (right) column is for normal (inverted) hierarchy.
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If UHE neutrinos are detected, and the data are compatible with a suppres-
sion due to neutrino absorption, what can be learned from them? Considering that the
suppression bears only little dependence on the neutrino mass and mixing pattern, the
main information will be on the physics of the sources. In particular, the observation
of neutrino absorption will indicate, beyond doubt, a population of sources extending
to z>⇠ 10, earlier than the time of formation of stars and galaxies. Therefore, this might
be a way to discover, or further substantiate, the existence of cosmological relics like
superheavy dark matter, cosmic strings or necklaces. The detailed shape of the sup-
pression dip (if available) would in principle allow to reconstruct zmin as a function
of energy since the distortion is roughly determined by P(E,zmin). This can help to
discriminate between different source models, if combined with other elements like
the presence of a minimum energy cutoff (favoring cosmic string cusps and kinks) or
a high energy flux termination (which would favor cosmic necklaces and superheavy
dark matter).
Spectral distortions due to resonant absorption are, at least in principle, an in-
teresting probe of the CnB at relatively recent cosmological times, z ⇠ 10  100, that
are out of the reach of both cosmological surveys [like those of Large Scale Structure
(z . 10), and of the CMB (z ⇠ 1100), etc.] and direct detections of the CnB (e.g., by
zero-threshold nuclear decay [131], testing z= 0). In particular, an observed absorption
pattern could help to constrain, or even reveal, several exotic effects:
(i) Non standard neutrino number density. An increased population of active neutrinos
would result in stronger absorption dips. For example, we could consider an increase in
number density by a factor 4/3, corresponding to an effective number of cosmological
relativistic degrees of freedom Neff = 4, which has recently attracted some interests (see
e.g., [132, 133]). This increase would change the optical depth by the same amount,
and shorten the neutrino horizon down to z ⇠ 120. A depletion of the neutrino pop-
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ulation at late times is also possible, for example due to neutrino decay into a sterile
neutrino or very weakly interacting species (e.g., [134]). This would suppress the ab-
sorption and extend the neutrino horizon.
(ii) Non-standard neutrino spectrum. Currently, there is no direct information on the
CnB spectrum, and indirect constraints are limited. Deviations from a thermal spec-
trum have been suggested, e.g., as a consequence of active-sterile neutrino conversion
(e.g., [135]). They would influence the shape of the absorption dips, which could be
narrower for a narrower neutrino spectrum or if the spectrum is much colder than ex-
pected, so to make most of the neutrinos non-relativistic at the epochs of interest.
(iii) Neutrino asymmetry, anomalous flavor composition, non-standard neutrino inter-
actions, and other exotica. Our results could be generalized to consider a broader range
of situations, including a neutrino population which is not flavor and CP-symmetric.
Although these possibilities are interesting, to study them with UHE neutrino absorp-
tion may be complicated by degeneracies between the physics of the CnB and the
physics of the sources: for example, there is a degeneracy between the neutrino num-
ber density and the redshift distribution of the sources such that they both affect the
depth of the spectral dips in a similar way.
If nothing else, it is important to accurately model the absorption dips to cor-
rectly interpret observations, and in particular to distinguish the effect of resonant n  n¯
annihilation from spectral features of different nature, e.g., due to the overlap of two
fluxes of different origin (bimodal spectrum), that could roughly mimic an absorption
dip.
Although some of the effects described here require high precision and statis-
tics, we can not underestimate the potential of this field to open a completely new way
to explore the sky and learn about neutrinos.
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A.1 Maximum likelihood analysis
In the diffuse supernova neutrino flux calculation, we employ the maximum likelihood
method to analyze the supernova rate and neutrino spectrum from SN1987A data. Here
we follow the derivation and notation of Ref. [136]. Suppose we have the information
of data D and model M. The probability of the data given the model is called the like-
lihood, which is expressed as P(D|M), a conditional probability, and read as “P of D
given M”:
P(D|M) = P(D\M)
P(M)
(A.1)
Here, P(D\M) indicates the probability that D and M both occur. Given the
fact that D\M is the same as M\D, one could express the likelihood as,
P(D|M) = P(D)P(M|D)
P(M)
(A.2)
One can have the total probability based on the three probability axioms, as
P(M) =Â
i
P(M\Di) =Â
i
P(M|Di)P(Di) (A.3)
Here i is the number of data. Therefore, the likelihood can be expressed as
P(D|M) = P(D)P(M|D)
Âi P(M|Di)P(Di)
(A.4)
P(M) is the prior probability for the theory, which interprets the degree of belief
that the model M is true. If we set P(D)=1 (having collected the data) and ignore the
prior, then we can identify the likelihood with P(M|D), where P(D|M) µ P(M|D).
We can find the most likely model given the data by maximizing the likelihood.
However, this approach with ignoring P(D) and the prior can not give in general a
goodness of fit and thus can not give an absolute probability for a given model. It
provides relative probabilities [137].
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For the supernova rate analysis, we have 10 observations (SNRi, zi) with errors,
and a model RSN(z), described by a set of parameters (R(0), b ) as in Eq. 2.6. If the
data are Gaussianly distributed, the probability of measuring SNRi is,
Pi =
1
si
p
2p
e
 
 
SNRi SNR(zi)
 
s2i (A.5)
The likelihood is just,
L =
N=10
’
1=1
Pi µ exp[ 1/2c2]. (A.6)
To find the “true” value of the parameters, we search for those values that maximizing
L and get the best model. There is another way to quantify the agreement of data and
model with a least square function, which is, supposing the data are uncorrelated,
c2 =
N=10
Â
1
 SNRi SNR(zi)
si
 2 (A.7)
In general, c2 is an indicator of the agreement of observed and expected values of
some variables. We can see from above,L µ exp[ 1/2c2]. Therefore, minimizing c2
is equivalent to maximizingL .
A.2 Confidence regions
After obtaining the best fit parameters, we could find the confidence region around the
best fit parameters. In the n-dimensional parameter space, where k is the number of
parameters, the confidence region is defined as the region that contains a given percent-
age of the probability distribution. If the values of the parameters are perturbed from
the best fit, then c2 will increase by Dc2. The probability that the observed c2 exceeds
a value Dc2 for the correct model is [138],
Q(k n,c2min+Dc2) = 1 G((k n)/2,(c2min+Dc2)/2) = p (A.8)
where G is the incomplete Gamma function, p is the confidence limit, c2min is
the minimum c2 value. Therefore, from this relation, we could find the Dc2 for various
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confidence level, and the confidence region where c2  c2min+Dc2. As example, Table
A.1 gives the Dc2 for 68.3, 90, 95.4% confidence levels for 1, 2, 5 parameter cases.
Table A.1: Dc2 as a function of the number of parameters for 68.3, 90, 95.4% confi-
dence levels.
p (%) 1 2 5
68.3 1.00 2.30 5.89
90 2.71 4.61 9.24
95.4 4.00 6.17 11.3
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B.1 Resonant cross section
The resonant neutrino-antineutrino annihilation (nn¯!Z0! f f¯ ) occurs in the s-channel,
see Fig. B.1 for Feynman diagram. The cross section is expressed as a function of the
Mandelstam variable, s = (qµ + pµ)2. Here qµ = [E 0, q] and pµ = [
q
p2+m2j , p]
are the four momenta of an UHE neutrino and background neutrinos, respectively.
Since for UHE neutrinos |q|  mn j , E 0 ⇡ |q| ⌘ q, then its four momentum is sim-
ply qµ = E 0[1, qˆ]. Note that in an expanding universe, we replace E 0 = E(1+ z) and
p= p0(1+ z), where E and p0 are the values of the beam energy and background neu-
trino momentum at present epoch, respectively. Then, the Mandelstam variable, s, in
the comoving frame is:
s(E 0, p,q)⇡ 2E 0
hq
p2+m2j   pcosq
i
, (B.1)
where qˆ ·p⌘ pcosq . The differential cross section for the resonant s-channel is [106]
dsr(E 0, p,s) =
GFGMZp
2E 0
q
p2+m2n j
s(s 2m2n j)
(s M2Z)2+x s2
ds, (B.2)
where GF = 1.16637⇥ 10 5 GeV 2 is the Fermi coupling constant, MZ = 91.1876
GeV, G= 2.495 GeV is the width of the Z0 resonance, x = G2/M2Z . The total resonant
cross section is obtained by integrating over s:
sr(E 0, p) =
Z s+
s 
dsr(E 0, p,s), (B.3)
where s± ⌘ 2E 0
hq
p2+m2j ± p
i
corresponding to head-on and parallel scattering, re-
spectively. Eq. (B.3) can be expressed in an analytical form [106]
sr(E 0, p) =
GFGMZp
2E 0
q
p2+m2n j

s
1+x
  M
2
Z(x  1)p
x (1+x )2
arctan
 
(1+x ) s M2Z
M2Z
p
x
!
+
M2Z
(1+x )2
ln
⇥
(1+x )s2 2M2Z +M4Zs
⇤     s+
s 
, (B.4)
where we take s 2m2n f ⇡ s. The resonant cross section sr(E 0, p) includes all kinemat-
ically allowed final states (q¯q, l¯l), which is taken into account in the width G.
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να
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f
Figure B.1: Feynman diagram of resonant cross section.
B.2 Non-resonant cross sections
Non-resonant cross sections are smooth functions of the beam energy E 0, thus it is
a very good approximation to use the value of s, averaged over scattering angle and
momenta of the background neutrinos, instead of Eq. (B.1), to simplify the analysis:
s¯(E 0,mj)⌘ 2E 0
q
p¯2+m2j . (B.5)
All the relevant non-resonant processes are summarized as follows [104, 107]:
(1). The t-channel Z-exchange (nan¯b ! nan¯b ) cross section with multiplicity 3 (in-
cluding 3 different flavors for the target neutrino) is:
stZ = 3
G2F s¯(E
0,mj)
2p
F1(yZ), (B.6)
where F1(y) = [y2+2y 2(1+ y) ln(1+ y)]/y3 and yZ = s¯(E 0,mj)/M2Z .
(2). For a = b , there is an s-t interference term with multiplicity 1:
sstZ =
G2F s¯(E
0,mj)
4p
F2(yZ)
yZ 1
(yZ 1)2+G2/M2Z
, (B.7)
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where F2(y) = [3y2+2y 2(1+ y)2 ln(1+ y)]/y3.
(3). The t-channelW -exchange (nan¯b ! la l¯b ) cross section with multiplicity 3 is:
stW = 3
2G2F s¯(E
0,mj)
p
F1(yW ), (B.8)
where yW = s¯(E 0,mj)/M2W and MW = 80.385 GeV.
(4). For a = b , there is an interference between the s-channel Z-exchange and the
t-channelW -exchange is with multiplicity 1:
sstZW =
2G2F(sin
2qW  1/2)
p
yWM2WF2(yW )
yZ 1
(yZ 1)2+G2/M2Z
, (B.9)
where sin2qW = 0.23149.
(5). The elastic t-channel Z-exchange (nanb ! nanb ) cross section with multiplicity
3 is:
s eltZ = 3
2G2FM
2
Z
2p
yZ
1+ yZ
. (B.10)
(6). There is also the u-channel Z-exchange that contributes to the same process (nanb !
nanb ) with multiplicity 1:
suZ =
2G2F s¯(E
0,mj)
p

1
1+ yZ
+
ln(1+ yZ)
yZ(1+ yZ/2)
 
. (B.11)
(7). The weak charged vector boson pair production cross section in the s-channel
Z-exchange and the t-channel l-exchange (nan¯a !W+W ) with multiplicity 1 and
threshold s> 4M2W is:
sWW =
G2FyWM
2
WbW
12p

b 2WM4W
M4Z(yZ 1)2
(12+20yW + y2W ) (B.12)
+
2M2W
M2Z(yZ 1)y2W
✓
24+28yW  18y2W   y3W +
48(1+2yW )LW
bWyW
◆
+
1
y2W
✓
y2W +20yW  48 
48(2  yW )LW
bWyW
◆ 
,
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where bW =
p
1 4/yW and LW = ln[(1+bW )(1 bW )].
(8). The weak neutral vector boson pair production cross section in the s-channel
(nan¯a ! ZZ) with multiplicity 1 and threshold s> 4M2Z is:
sZZ =
G2FM
2
Z
p
bZ
yZ 2
✓
2
yZ
 1+ 1+ y
2
Z
2y2ZbZ
LZ
◆
, (B.13)
where bZ =
p
1 4/yZ and LZ = ln[(1+bZ)(1 bZ)].
(9). Finally, ZH production cross section in the s-channel (nan¯a ! Z0H) with multi-
plicity 1 and threshold s> (MZ +MH)2 is:
sZH =
G2FM
2
Z
96p
p
lbZ
yZ
lyZ +12
(yZ 1)2 , (B.14)
where l = [1  (MH +MZ)2/(yZM2Z)][1  (MH  MZ)2/(yZM2Z)] and MH = 125 GeV.
The total cross section is the sum of all the resonant and non-resonant channels, as
shown in Fig. 4.1.
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Figure B.2: Feynman diagrams for non-resonant cross sections: (1). nan¯b ! nan¯b ;
(2). nan¯a ! nan¯a ; (3). nan¯b ! la l¯b ; (4). nan¯a ! la l¯a
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Figure B.3: Feynman diagrams for non-resonant cross sections: (5). nanb ! nanb ;
(6). nanb ! nanb
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Figure B.4: Feynman diagrams for non-resonant cross sections: (7). nan¯a !W+W ;
(8). nan¯a ! ZZ; (9). nan¯a ! Z0H
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In this appendix, we schematically show the dependence of the scattering rate on the
neutrino mixing matrix for an UHE neutrino in a flavor eigenstate na and a CnB neu-
trino in a mass eigenstate n j, given by Eq. (4.13). For simplicity, consider the scattering
amplitude for the s-channel process, nan¯ j ! f f¯ , where f is a final state fermion. The
scattering amplitudeMa j is proportional to
Ma j µ hn¯ j|O |nai=Â
i
U⇤ai e iFi(t) hn¯ j|O |nii , (C.1)
whereU⇤ai are the elements of the neutrino mixing matrix andFi(t)=
R t
ti dt
0
q
[p(t 0)]2+m2i
is the quantum phase due to the neutrino propagation in vacuum between the time of
production, ti, and the time t when the collision occurs. This phase is responsible for
neutrino flavor oscillations.
In Eq. (C.1), the nonvanishing elements are the diagonal ones, i.e., hn¯i|O |n jiµ
di jMj. Hence,
Ma j µU⇤a j e iFi(t) hn¯ j|O |n ji µU⇤a j e iFi(t)Mj . (C.2)
The corresponding cross section is then s(mj)µ |Mj|2. Note that the phaseF j cancels,
hence neutrino oscillations do not affect the cross section provided that the background
neutrino is in mass eigenstate as we discussed in Sec. 4.2.2. Then, given dn as the
number density of the CnB neutrinos of each species, we have the scattering rate for
an UHE neutrino of flavor a in the CnB for a given process:
dGa = dn
3
Â
j=1
|Ua j|2s(mj), (C.3)
which, after integration over the neutrino spectrum, recovers Eq. (4.13).
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